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Abstract
Ever since the hydrogen emission line of Lyman-alpha (Lyα) has been postulated to hold one of the keys to studying high-redshift galaxies, the question of
what emission lines can tell us about the properties and evolution of galaxies has
driven much of our research. This work is a survey of emission lines across cosmic
history. Just as galaxies evolve with redshift, so does how we can use emission line
information from these galaxies.
I begin with a study of resolved Lyα emission in nearby galaxies, and how we
can use pixel-by-pixel photometry to study emission on very small galactic scales
and to characterize Lyα scattering. Using the Lyman-Alpha Reference Sample,
a set of 14 starbursting galaxies with redshifts of 0.02 < z < 0.2 observed with
the Hubble Space Telescope (HST ) Solar Blind Channel on the Advanced Camera
for Surveys, I have characterized how the Lyα photons scatter. Since Lyα is a
resonant line, the photons are absorbed and re-emitted by the neutral hydrogen in
galaxies until they finally escape or are absorbed by dust. Understanding how this
random walk process affects where and how much Lyα we observe is important
for us to be able to use Lyα as a signpost of galaxy evolution at high redshifts.
By comparison, the Hα transition, which is optically thin and therefore where we
observe Hα photons are likely where they were emitted originally, is much easier
to trace. I have developed a method to compare the Hα and Lyα distributions in
galaxies to determine a characteristic scattering length for Lyα photons. This is an
important step in understanding exactly how much a Lyα photon scatters before
escaping, and is important for understand the overall escape fraction of Lyα.
Shifting to higher redshifts of z ∼ 0.5, emission lines can no longer be used
to study the emission from galaxies at such high resolution. Instead, I examine
how we can study global galaxy properties using the emission lines, and how we
can relate that to galaxy size and morphology. For this study, I used a sample
of 284 [O II] emitting galaxies from the Hobby Eberly Telescope Dark Energy
Survey (HETDEX) Pilot Survey. Using the forbidden transition of [O II] as a
star-formation rate indicator, we found that these galaxies corroborate the main
sequence of star forming galaxies. I confirm, however, that the [O II] line is very
iii

sensitive to metallicity and abundance. I find that the star formation in these
galaxies is generally not due to galaxy mergers, but more likely the result in situ
cold gas accretion.
Galaxy emission activity becomes more complicated as we approach cosmic
noon (z ∼ 2), when star formation was at its peak. To address this issue, I look
at how we can use both Balmer and oxygen emission lines to help disentangle
star formation activity from emission caused by active galactic nuclei. I do this
by simulating z ∼ 2 galaxies with Hβ at 4861 Å and [O III]λ5007 emission and
performing mock HST grism observations with the infrared G141 grism on the
Wide Field Camera 3 (WFC3). The benefit of observing these galaxies using a
grism is that we are able to gather spatial information about where the emission is
coming from, whether it is nuclear or from more extended regions. By developing
a method for separating these emission regions in our observations, we provide a
way to find obscure or low-mass active galactic nuclei (AGN) that are undetectable
by other methods.
Finally, I explore our prospects for using emission lines to probe the first galaxies at z > 6 and how we can leverage new technology to catch them in the act of
formation. I examine the completeness of the WFC3/G102 grism program CANDELS Lyman-alpha Emission at Reionization (CLEAR) survey, simulating Lyα
emission at these high redshifts. This is a necessary step in being able to leverage
the ∼ 90 Lyα emitters that will be found to tell us not only about galaxy formation
at high redshift but also about the luminosity function of Lyα emitters during this
cosmic era.
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Left: Log Lyα surface brightness vs. log Hα surface brightness for
LARS01. Overplotted in blue are the pixels in the galaxy that lie
above the simple dust screen model (Figure 2.4). Note that since
the values are plotted on a logarithmic scale, only positive values
are included. The solid red line indicates the intrinsic value of
Lyα versus Hα surface brightnesses under Case B recombination,
and the dashed and dotted red lines show a one-to-one relation
and ten times below that, respectively. Right: The blue pixels in
the left panel are traced back to their origin in the Lyα image. The
calculated aperture has been applied to each galaxy. The color scale
of the image corresponds to how densely the pixels are packed, with
the lighter colors showing a greater number of pixels in the region
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pixels on the left. The color scale is normalized to one. . . . . . .
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for LARS01, showing only the pixels that lie above the intrinsic
Lyα/Hα value. Note that since the values are plotted on a logarithmic scale, only positive values are included. The solid red line
indicates the intrinsic value of Lyα versus Hα surface brightnesses
under Case B recombination, and the dashed and dotted red lines
show a one-to-one relation and ten times below that, respectively.
Right: The Lyα image showing only those pixels that indicate scattering of Lyα photons into the line of sight. The color scale of
the image corresponds to how densely the pixels are packed, with
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and the dark colors showing no pixels that correspond to the pixels
shown in the left panel. The color scale is normalized to one. These
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2.10 Surface brightness plots for LARS01. Shown in the left panel is
the observed Lyα surface brightness versus Hα surface brightness.
Note that since the values are plotted on a logarithmic scale, only
positive measurements are included. The solid black line denotes
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2.15 The characteristic scattering distance versus the global Balmer decrement of the LARS galaxies. The Spearman correlation coefficient
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16th and 84th percentiles of the distribution of the walkers from
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A typical SED fit plotted with the photometry of an [O II] emitter (z = 0.32) from the COSMOS field. The blue circles are the
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Two-dimensional confidence levels for the parameters obtained from
the SED fit for the same galaxy as in Figure 3.1. The black contours
indicate the 68% and 95% confidence regions, while the color gradient is based on average likelihood. The colors follow the likelihood
of the two parameters plotted, while the black contours indicate the
probability distribution weighted by the parameters not represented
in the plot. For flat priors, lack of exact overlap indicates that the
posterior distribution is non-Gaussian; in this case, the contours
also show a bi-modal probability distribution. The axes of these
ellipse-like curves indicate degeneracies. Galaxy mass is defined as
the integral of the instantaneous star formation over the lifetime
of the galaxy, while stellar mass takes into account mass loss and
stellar lifecycles, and is the parameter used throughout this analysis.
Distribution of the stellar masses of the HPS [O II] emitters in
three redshift bins. The black line is the cumulative probability
distribution. See Table 3.2 for the median masses in each redshift
bin. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Distribution of the HPS [O II] SFRs calculated via their [O II] line
luminosities in three redshift bins. The black line is the cumulative
probability distribution. See Table 3.2 for the median SFRs in each
redshift bin. The shifting distribution shows a clear evolution of
the high star formation end of this function. . . . . . . . . . . . . .
Evolution of the SFRs of the HPS [O II] emitters as a function
of redshift, color coded by mass. The black line represents the
detection limit as a function of redshift, where 80% of the survey
frames have 5σ detection limits brighter than this threshold. The
prominent [O I] airglow feature at 5577 Å at z ∼ 0.5 is clearly
visible. The crosses are possible AGN candidates due to their bright
X-ray emission. The representative SFR error bar is shown. . . . .
SFR vs. stellar mass for the HPS [O II] emitters. The crosses
are possible AGN candidates due to their bright X-ray emission.
Representative error bars are shown. The open circles represent
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SFR vs. stellar mass for the HPS [O II] emitters, as well as the
Noeske et al. (2007) and Pirzkal et al. (2013) median values. The
darker blue circles represent the HPS galaxies and the dark blue
crosses are the possible AGN in the sample. The green circles are
the Pirzkal et al. median values, and the light blue circles are the
Noeske et al. median values. The light blue and green dash-dotted
lines show ±1σ of the median values shown. The darker blue dashed
line represents the 80% completeness limit for the middle redshift
of each plot. The red solid line is taken from Lara-López et al.
(2013) and denotes the M∗ -SFR relation for local galaxies up to
z ∼ 0.1, and the red dash-dotted lines are ±1σ of that relation.
This relation is included in the higher redshift bins only to guide
the eye. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
3.8 Median SFR vs. stellar mass for the HPS [O II] emitters. The black
circles represent the median SFRs in evenly-spaced mass bins, calculated without the metallicity correction to the [O II] SFR indicator.
The green circles shows the median SFRs calculations that include a
rough estimate of metallicity. The corresponding dash-dotted lines
give the best linear fits to the data. The error bars represent the
uncertainty of the medians. Inclusion of the metallicity in the SFR
calculation drives the sequence to a steeper slope. . . . . . . . . . .
3.9 Distribution of the HPS [O II] emitter sSFRs calculated via their
[O II] line luminosities. The black line is the cumulative probability
distribution. See Table 3.2 for the median sSFRs in each redshift bin.
3.10 sSFR vs. M∗ for the HPS [O II] emitters. The diagonal black
dotted lines are loci of constant star formation with values 0.01,
1, and 100 M yr−1 , from bottom to top. The crosses are possible
AGN candidates due to their bright X-ray emission. Representative
error bars are shown. The open circles represent galaxies below the
stellar masses where SFR become incomplete in each redshift bin. .
3.11 Rest equivalent widths of the HPS [O II] lines as a function of stellar
mass. The black dash-dotted lines are, from top to bottom, the
84th, 50th, and 16th percentiles in the given mass bins. The crosses
are possible AGN candidates due to their bright X-ray emission.
Representative error bars are shown. . . . . . . . . . . . . . . . . .
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3.12 Morphological parameters G and M20 for the [O II] emitters in the
COSMOS and GOODS-N fields. The delineation between galaxies
with disturbed morphologies and normal galaxies (black line) is
taken from Lotz et al. (2004) and is for reference purposes only.
Representative error bars are adapted from Lotz et al. (2006) and
are typical for a hS/N i = 2.5 galaxy. . . . . . . . . . . . . . . . .
3.13 Morphological parameters G and M20 plotted as a function of stellar mass, SFR, and sSFR. Pearson’s correlation coefficient shows
almost no significant correlation between the values. Representative error bars are shown, with those for G and M20 adapted from
Lotz et al. (2006), and are typical for a hS/N i = 2.5 galaxy. . . .
3.14 Physical half-light radii (R50 ) of the HPS [O II] emitters. The black
line is the cumulative probability distribution. The median size
0.87
is R50 = 2.434.20
1.39 kpc (0.510.27 arcseconds), where the upper and
th
lower bounds are the 84 and 16th percentiles of the distribution,
respectively. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
3.15 Physical sizes (R50 ) of the HPS [O II] emitters as a function of
redshift. The solid black lines in the lower panel show what the angular size distribution would be assuming that the physical sizes of
the galaxies do not evolve with redshift. The upper and lower lines
represent the 84th and 16th percentiles of the size distribution at the
highest sample redshift, corresponding to R50 =0.27 arcseconds and
0.87 arcseconds (5.8 and 1.8 kpc at z ∼ 0.57), respectively. The
black dash-dotted lines are, from top to bottom, the 84th, 50th,
and 16th percentiles in the given redshift bins. The median error
on the physical sizes, adapted from Lotz et al. (2006), are ∼ 0.1
kpc, falling almost within the size of the plot symbols. . . . . . .
3.16 Physical sizes (R50 ) of the HPS [O II] emitters as a function of mass
(M∗ ). The slope of the size-mass relation is α = 0.15. The median
error on the physical sizes, adapted from Lotz et al. (2006), are
∼ 0.1 kpc, falling almost within the size of the plot symbols. . . .
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4.5

Top row : An AGN modeled as a PSF (left), a simulated grism observation of the AGN with an [O III] and Hβ emission (center),
and the collapsed continuum-subtracted 2D spectrum (right). By
adding (fractional) pixels along annuli of constant radius, we preserve the spatial information of the galaxy. Second row : Same as
the first row, but with a star formation modeled as an exponential
disk, and an input spectrum of [O III] and Hβ typical of a starforming galaxy. Third row : Same as the first row but with the
AGN and the exponential disk combined. . . . . . . . . . . . . . . .
Simulated parameters for the total integrated flux line ratios, shaded
by completeness using the emipirical cut of Juneau et al. (2014) (see
Figure 4.3). Integrated line ratios are successful at finding luminous AGN in massive, weakly star-forming galaxies but are unable
to identify AGN in low-mass and rapidly star-forming hosts. . . . .
Mass-Excitation diagram for the simulated integrated log([O III]/Hβ)
ratios shaded by sSFR. Four groups of Eddington ratios are offset
in mass, from low to high. The galaxies with low signal-to-noise
detections are plotted with empty circles. The black line is the empirical cut between AGN and star formation Juneau et al. (2014),
accounting for the luminosity limit and redshift evolution of L[O III] .
At lower stellar masses, it becomes more difficult to identify AGN
as star formation dilutes the AGN signal. . . . . . . . . . . . . . . .
An illustration of how the collapsing technique works for the righthand side of the [O III]λ5007 line. The flux is summed along lines
of constant radii, so that each pixel in the final column of pixels
is the sum of the flux the annulus collapsed. The resulting single
column can then be separated into the inner and outer regions of
the galaxy. We repeat this process for the left-hand side of the Hβ
line, from which we calculate an accurate [O III]/Hβ ratio for each
region. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Cumulative distributions of AGN completeness (blue) and reliability (green) for our simulated galaxies. The reliability is determined
by how often no AGN was found in the simulations with no AGN
present. To optimize AGN identification, the false positives must
be minimized while maximizing the completeness. We use the conservative threshold value of ∆log([O III]/Hβ) = 0.1 for all galaxies
in our sample. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
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4.6

Specific SFR vs. stellar mass for the simulated galaxies with no
AGN present, shaded by the rate of false AGN detections using the
AGN identification threshold of ∆log([O III]/Hβ) = 0.1. The false
positive rate is extremely low, although it becomes less reliable at
lower masses where the signal-to-noise is lower. . . . . . . . . . .
4.7 Gradient of log([O III]/Hβ) as a function of stellar mass, sSFR,
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Chapter 1 —
Introduction
Since the nineteenth century, the field of extragalactic astronomy has undergone incredible twists, turns and advances. In the eighteenth century, philosopher
Immanuel Kant posited that the spiral nebulae observed in the night sky were,
in fact, “island universes” (Kant 1755), separate from our own Milky Way (e.g.,
Messier 1781; Herschel 1785). The extent of the universe, and whether or not
these nebulae were within our Galaxy or far more distant objects, was subject of
the Great Debate in 1920 between Heber Curtis and Harlow Shapley, with Shapley arguing the former (Shapley 1921) and Curtis, the latter (Curtis 1921). It was
not long before the argument was laid to rest by Edwin Hubble via observations
of Cepheid variable stars in several of these nebulae, whose magnitudes indicated
that the distances to these nebulae were far beyond the size of the Galaxy (Hubble
1925, 1926a,b).
Within a short timespan, astronomers’ understanding of the universe was completely revamped, and the study of objects outside our own Galaxy exploded.
Advances in both science and technology have allowed us to see farther and farther back into cosmic history as we seek more distant objects. Today, we are able
to study the first galaxies as they became visible through the dwindling neutral
medium of the universe almost 13 billion years ago.

1.1 Emission Lines as a Window to the Universe
There are several ways in which we use the electromagnetic spectrum to understand astronomical objects. The most powerful tool we use is the emission
signatures created by electronic transitions within atoms of the object being observed. Each of these transitions creates a change in the energy of the atom, which
1

results in an emission or absorption feature at a very specific wavelength. With
only the dispersed light of an object, we can turn seemingly simple astronomical
objects into myriad visible data about the object. In the case of galaxies, we can
use these spectral features to broaden our understanding of the physical properties
of these galaxies across cosmic history.
Emission lines are caused by a high-energy electron transitioning from a higher
to a lower energy state in an atom. When this occurs, the energy is emitted as
a photon. Given a large abundance of a particular atom, these photons become
visible in the spectrum of the object as an overabundance of flux at a particular
wavelength. When we study emission lines in spectra of extragalactic objects, we
can therefore understand the abundances of certain elements and how much energy
is required to produce those lines at the level observed.
Emission lines have been used extensively in extragalactic astronomy. In addition to allowing us to understand basic properties of galaxies, emission lines can
also be used to determine how distant an object is. Spectral features are like an
astronomical fingerprint, and when we see collections of lines together but at longer
wavelengths than they should be, we know that the galaxies are redshifted, their
emission coming to us across the expanding universe (Hubble 1929). In 1967, Partridge and Peebles posited that the emission line of Lyman-alpha (Lyα), created
by the electronic transition from n = 2 to n = 1 in a hydrogen atom, could be used
to study galaxies at very high redshifts (Partridge & Peebles 1967). Since then, we
have continued to detect higher and higher redshift galaxies, characterizing their
properties and gaining insight into the evolutionary history of the universe.

1.2 Extragalactic Astronomy with Emission Lines
While there are many emission lines emitted from any given galaxy, there are
a number of strong lines that we use as markers of galaxy properties. These
lines are largely driven by the optical window of the electromagnetic spectrum.
Observing shortward of the optical in the ultraviolet and X-ray requires spacebased observatories as these photons cannot make it through the atmosphere. At
red end of the spectrum, infrared photon signatures are easily swamped by detector
noise, and, for ground-based observatories, careful characterization of atmospheric
telluric features in the infrared is extremely important. For these reasons, the
2
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Figure 1.2: A partial energy level diagram of neutral hydrogen (Osterbrock &
Ferland 2006; Figure 2.1). Permitted transitions are shown with gray solid lines.
what is observed. Understanding the way in which Lyα is emitted from galaxies
is therefore imperative, and research into the emission processes is ongoing.
The Balmer series of hydrogen is generated by electronic transitions to the
n = 2 level of an atom, some of which are shown in Figure 1.2. In an optically
thick gas, we make the assumption all Lyman photons (i.e., all photons generated by transitions to the ground state of hydrogen) are immediately reabsorbed
by a nearby hydrogen atom. This Case B recombination (e.g., Osterbrock 1974;
Osterbrock & Ferland 2006), as it is called, means that there are essentially no
transitions to the ground state. The result is that every downward electronic transition eventually goes through the n = 2 level of the hydrogen atom, making the
Balmer lines a direct measurement of the ionizing photons emitted by hot stars.
In addition, the relative strengths of the Balmer lines are insensitive to external
conditions such as electron temperature and density. By measuring one Balmer
line, the line strengths of all the Balmer lines, modulo dust, are known. This makes
observing even just a single Balmer line a very powerful tool.
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The brightest Balmer emission line is Hα, emitted by the transition from n = 3
to n = 2. With a rest wavelength of 6563 Å, Hα is a very reliable indicator of star
formation (e.g., Kennicutt 1998; Kennicutt & Evans 2012). Unlike the resonant
Lyα line, Hα is a fairly direct way of measuring star formation activity, as Hα
photons are detected in the galaxy in the same place they are initially emitted.
Hα remains in the optical spectrum for galaxies up to z ∼ 0.4. The Balmer line of
Hβ (n = 4 to n = 2) has become a very useful line as well. Hβ, emitted at 4861 Å,
is intrinsically 2.86 times weaker in a galaxy’s spectrum than Hα, a relationship
that can be used to determine the amount of dust in a galaxy. Hβ has the added
benefit of being closer to several other strong emission lines, such as [O III] (see
below), as well as being emitted at a shorter wavelength than Hα. Therefore it is
often observable when Hα is not.
The brightest oxygen lines [O II] and [O III] are both doublets - [O II]λλ3726, 3729
and [O III]λλ4959, 5007, respectively. These doublets are caused by radiative deexcitation following the collisional excitation of electrons in singly- and doublyionized oxygen, respectively. [O II] and [O III] are forbidden lines, which means
that the transitions that generate these doublets are not allowed by the selection
rules governing the electron transitions of an atom. However, when the density is
low enough, the chances that an oxygen ATOM will de-excite from a metastable
state are quite high, given enough time. Therefore, [O II] and [O III] are prominent
emission lines in star forming regions.
The [O II] doublet is the set of forbidden lines of singly-ionized oxygen that
occur when electrons transition from the metastable 2 D3/2 and 2 D5/2 levels of the
2p3 configuration to the 4 S3/2 ground level. With one fewer electrons, the [O III]
doublet produced by doubly-ionized oxygen are forbidden transitions that occur
when electrons transition from the metastable 1 D2 level of the 2p2 configuration
to the lower 3 P2 and 2 P1 levels (see Osterbrock 1974 for more details).
The lines of the [O II] doublet can only be distinguished with very highresolution spectrographs, particularly at high redshift. However, with enough
precision in measurement, the [O II] doublet is an extremely useful tool for determining the electron density of a given astrophysical medium. in the absence of
a strong electric or magnetic field, each level of an atom has 2s + 1 states with
identical energies, where s, the spin quantum number, IS given by the subscript of
the level. This is the levels statistical weight. The 2 D3/2 state consists of four lev5

els with identical energy (since s = 3/2), while the 2 D5/2 state has six such levels.
Since the transitions that produce the doublet have essentially identical energies,
any collision capable of populating the 2 D3/2 state is also capable of populating
the 2 D5/2 state, and any difference between the lines strengths in a low-density
environment is determined by a combination of the levels’ statistical weights and
the Einstein A values of the transition. In the low density limit, every collision
that results in a transition from the ground state into the 2 D level will result in
a decay, with 40% coming from the 2 D3/2 state and 60% coming from the 2 D5/2
state. However, as the density of the gas becomes higher, collisions begin to redistribute the electrons, and the relative number of radiative decays out of a level
then becomes dependent not only on the levels statistical weights, but also on the
timescale for the transition. Therefore, using only the strengths of the lines in the
[O II] doublet, density can be determined fairly straightforwardly.
The [O III]λ5007 line is useful for determining the electron temperature when
compared to the auroral line of [O III]λ4363. The former line is generated by
decays from a 1 D2 term that lies ∼ 2.5 eV above the atoms ground state, while the
latter arises from the 1 S0 level that is ∼ 5.3 eV above the ground level. Because
of this energy difference, ground-state collisions populate the upper level at a rate
that is ∼ e−∆E/kT less than lower level, resulting in an [O III]λ5007/[O III]λ4363
line ratio that is extremely sensitive to temperature. While [O III]λ4363 can be
difficult to measure, it has great utility for being able to directly determine electron
temperature in an environment.
Singly-ionized oxygen has usefulness as a star formation rate (SFR) indicator
(e.g., Gallagher et al. 1989; Kennicutt 1998; Jansen et al. 2001; Rosa-González et al.
2002; Kewley et al. 2004). It is the brightest emission feature in the blue portion
of the spectrum, allowing for the study of SFRs up to z ∼ 1. As an indicator,
however, [O II] suffers from its sensitivity to galaxy metallicity and ionization
states (Jansen et al. 2001; Charlot et al. 2002; Kewley et al. 2004). The top panel
of Figure 1.3 shows how the [O II] SFR indicator has a stark offset from the more
reliable Hα SFR indicator. While these effects can be mitigated, as shown in the
bottom panel of the figure, this requires knowledge of the galaxy metallicity, which
may not be possible if the required lines are not visible in the spectrum.
Emission lines of different species can provide a wide range of information about
galaxies, such as star formation rate and metallicity. There are many other useful
6

Figure 1.3: Comparisons of the [O II] SFR indicator with Hα (Figures 2 and 4;
Kewley et al. 2004). Top: The correlation between [O II] and Hα SFRs. There
is a systematic offset from a slope of unity, emphasized by the residuals shown
above. Bottom: After a correction for galaxy metallicity, the [O II] and Hα SFRs
are tightly correlated.

7

lines in a galaxy’s spectrum, but those detailed here tend to be the brightest and
most widely used in the spectra of galaxies.

1.3 The Emission Line Toolbox
The spectral features from galaxies provide many tools we can use to understand galaxy properties and evolution. Important relationships such as line correlations and ratios have been derived to detail how galaxies differ from each other
and how they have evolved into the galaxy zoo we see today. The usefulness of
these tools changes with redshift, and the tools themselves have become more
sophisticated as data quality has increased.
In the local universe, galaxies are large enough in our field of view that we
are able to resolve them, allowing us to study galaxies in detail. Figure 1.4 shows
galaxies from one such observing campaign known as the Lyman Alpha Reference
Sample (LARS; Hayes et al. 2013; Östlin et al. 2014), where resolved emission
maps were obtained in Lyα, Hα, and Hβ. For these galaxies, the Hubble Space
Telescope (HST ) is able to resolve galaxies down to scale of only 40 parsecs. Unlike
at higher redshifts, where galaxies are essentially a point source and the species
of these galaxies are detected as single lines, low redshift observations allow us to
understand how line brightness and line ratios change with the presence of star
forming regions and the geometry of the interstellar medium (ISM).
One very versatile way of studying galaxies is by looking at the ratios of various
of emission lines. Understanding how much of a given species exists in a galaxy
compared to another can give us information about abundance, density, temperature, and hardness of the ionizing radiation. Line ratios are particularly useful
because they can be used at many different redshifts, depending on the line ratios
being studied.
Emission lines can also tell us about the abundances of certain species within
galaxies. Measures of metallicity usually involve comparing the abundances of
elements, or certain transitions of a single element, with each other by calculating line ratios (e.g., Pagel et al. 1979; Pettini & Pagel 2004; Kewley et al. 2006,
2013a,b, 2015). Direct measures of metallicity involve comparing auroral lines
such as [O III]λ4363 to the nebular [O III]λ5007. As stated previously, this ratio
of [O III] lines can be used to determine temperature; from electron temperature
8

Figure 1.4: Eight of the 14 Lyα emitting galaxies from LARS (Figure 1; Hayes et al.
2013). These galaxies are characterized by extended Lyα halos (blue) surrounding
the central region of the galaxy. Continuum-subtracted Hα emission is shown in
red, and the FUV continuum emission is shown in green.
we can calculate total abundance. The drawbacks are that [O III]λ4363 is a weak
line, and that temperature fluctuations can cause underestimations of metallicity
by ∼ 0.4 dex (Kewley & Ellison 2008).
Other metallicity measurements compare strong emission lines with each other
to better calibrate the relationship between the ionized abundance and electron
temperature. Two common line ratios are [O III]/Hβ and ([O III]/Hβ)/([N II]/Hα)
(Pettini & Pagel 2004). The lines in these ratios are virtually reddening independent as they are emitted at similar wavelengths, making them particularly useful.
Without Balmer measurements, galaxy reddening can be difficult to determine
accurately, so metallicity measures that are independent of extinction are very
useful.
Finally, metallicity can be determined using the oxygen lines, an indicator that
is known as R23 (Pagel et al. 1979). It is defined as
R23 =

([O II]λ3727 + [O III]λλ4959, 5007)
Hβ

(1.1)

The ratio of [O III] to [O II] gives the energy that is available in a galaxy to ionize
oxygen. For example, the energy it takes to remove one electron from an oxygen
atom, called the first ionization energy, is 13.6 eV. To remove the second electron
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requires three times as much energy (35.1 eV). Each of the strong line metallicity
indicators has its benefits and drawbacks, and choosing the appropriate measure
will depend on the spectral features available.
One of the most useful tools for studying emission lines in galaxies is the
Baldwin-Phillips-Terlevich diagram (BPT: Baldwin et al. 1981). The BPT diagram is a line ratio diagram that compares the various line ratios with each other;
the most commonly used diagram plots the ratio of [O III]/Hβ versus that of
singly-ionized nitrogen and Hα ([N II]/Hα). These ratios probe the ratio of collisional excitation and ionization state to photo-ionization in a galaxy. Additionally,
as noted above, these particular ratios have the added benefit that both sets of
emission lines in the two ratios are at similar wavelengths, with [O III] at 5007 Å,
Hβ at 4861 Å, [N II] at 6583 Å, and Hα at 6563 Å. Since the lines in each ratio are
at similar wavelengths, they experience similar reddening, making the ratios more
reliable and less susceptible to imprecision in galaxy extinction measurements.
Figure 1.5 shows a classic BPT diagram of galaxies in the local universe from
the Sloan Digital Sky Survey (SDSS). The region labeled as the star-formation
dominated area covers a range from high [O III]/Hβ, low [N II]/Hα, or low metallicity, to low [O III]/Hβ, high [N II]/Hα, which indicates high metallicity (Kewley
et al. 2006). At the lower metallicity end of the star-forming sequence, metalpoor stars, which have lower opacity because the bound-free opacity from metals
dominates, tend to have smaller sizes and higher effective temperatures, thereby
generating higher energy photons and increasing the [N II]/Hα ratio. As the dominant radiation source in the galaxy becomes more energetic, incidence of higher
ionization increases, causing a transition in the BPT diagram away from starformation dominated. Active galactic nuclei (AGN) or shocks cause much higher
ionization states than star formation, resulting in an increased [N II]/Hα ratio.
While the BPT diagram is an extremely useful diagnostic in the local universe,
its utility decreases at higher redshift because the classic understanding of line
ratios changes with changing galactic environment. Work is ongoing to understand
what galaxy properties are causing the shift in ratios, such as ISM conditions and
star formation activity (e.g., Kewley et al. 2013a,b).
Another diagnostic that has been developed is the Mass-Excitation diagram
(MEx; Juneau et al. 2011). This tool replaces the [N II]/Hα axis of the BPT
diagram with stellar mass, which makes the diagram more widely applicable to
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Figure 1.5: BPT diagram of the SDSS galaxies (Figure 5; Bamford et al. 2008).
Different combinations of the [O III]/Hβ and [N II]/Hα line ratios indicate various
metallicities and ionization states of the galaxies. These in turn correspond to
the type of activity occurring in the galaxy, where higher ionization occurs in the
presence of harder emission such as AGN and shocks.
situations where we do not have access to many emission lines in the spectrum.
For example, at z > 0.4, Hα and [N II] shift into the infrared, making the MEx
diagram useful for higher redshift studies. Stellar mass is usually measured via
spectral energy distribution (SED) fitting, where galaxy photometry and stellar
evolution models are combined to calculate the most likely value of galaxy mass
bound up in stars. This mass has been found to have a positive correlation with
the metallicity of a galaxy (a relationship known as the mass-metallicity (MZ)
relation; Tremonti et al. 2004), making it a reasonable proxy for [N II]/Hα.
The MEx diagram for the SDSS galaxies is shown in the left panel of Figure 1.6.
The star-formation dominated and AGN-dominated galaxies separate into different
regions of the stellar mass-[O III]/Hβ parameter space in much the same way as
they do in the BPT diagram. There is also a central region where the galaxies
with mixed star formation and AGN contributions lie. The divisions between
these galaxies on the MEx diagram are determined empirically. In the right panel,
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Figure 1.6: MEx diagram of the SDSS galaxies (Figure 3; Juneau et al. 2011).
Left: Stellar mass versus [O III]/Hβ, with the empirical divisions among starforming dominated galaxies (purple), AGN-dominated (orange), and composite
galaxies (light purple). Right: Galaxies classified according to the MEx diagnostic
compared to their positions on the BPT diagram.
these galaxies are shown on the typical BPT diagram as proof-of-concept for the
new diagnostic.
Beyond line ratios and line ratio diagrams, emission lines can be used to probe
not only the environments within galaxies, but also how galaxies have evolved over
cosmic time. While efforts to expand the utility of line ratio diagrams to higher
redshifts are ongoing, they are most effective in describing galaxies much more
recent than the peak of star formation at z ∼ 2.
Measuring star formation rates via emission lines is a fairly straightforward
process, particularly when the Hα line is present in a galaxy’s spectrum. Using
SED fitting to determine the stellar masses, there has been found to be a tight
correlation between the mass of galaxies and their SFRs. This relationship has
been observed at 0 < z < 7 (e.g. Brinchmann et al. 2004; Daddi et al. 2007;
Noeske et al. 2007; Whitaker et al. 2012; Pirzkal et al. 2013). This so-called
“main sequence of star forming galaxies” is shown in Figure 1.7 for a sequence of
redshifts. It is thought that this correlation is a result of cold mode accretion, where
non-virialized gas flows into galaxies from the intergalactic medium via filaments.
With increasing redshift, the normalization of this relationship increases and the
slope flattens. The star-forming main sequence can also be expanded to include
12

Figure 1.7: The main sequence of star forming galaxies from the NEWFIRM
Medium-Band Survey, split into redshift bins (Figure 1; Whitaker et al. 2012).
Filled circles in each bin indicate galaxies above the mass and SFR completeness
limits. The sequence decreases in normalization and slope as redshift increases, as
shown in the lower right panel. That panel shows the collection of all the redshift
bins, with the running median and dispersion shown for each bin.
metallicity, creating not a linear correlation, but instead a plane known as the
fundamental metallicity relation (FMR) (e.g., Mannucci et al. 2010; Lara-López
et al. 2010; Grasshorn Gebhardt et al. 2016). The evolution of these relationships
can all be used to study changes in abundances, star formation mechanisms, and
gas accretion to better understand how galaxies have evolved.
The emission line tools surveyed here are only some of the ways we can use
spectral emission features to give insight into the properties of galaxies and how
they have evolved into the galaxies we see today in the local universe. The research
presented here delves deeply into how we can use these emission line relationships
at different cosmic epochs and places them in the broad context of galaxy evolution.
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1.4 Thesis Overview
This work focuses on using emission lines to characterize galaxy properties
over a broad range of redshifts. Just as galaxies evolve with redshift, so does
how we can leverage emission line information from these galaxies. I begin with a
study of resolved Lyα emission in nearby galaxies, and how we can use pixel-pixel
photometry to study emission on very small galactic scales and to characterize Lyα
scattering (Bridge et al. submitted to ApJ). Shifting to higher redshifts of z ∼ 0.5,
we can no longer use emission lines to study resolved images of the emission from
galaxies. Instead, I examine how we can study global galaxy properties using the
[O II] emission line, and how we can relate that to galaxy size and morphology
(Bridge et al. 2015). Galaxy emission activity becomes more complicated as we
approach cosmic noon (z ∼ 2), when star formation was at its peak. To address this
issue, I discuss how we can use both Balmer and oxygen emission lines ([O III] and
Hβ, specifically) to help disentangle star formation activity from emission caused
by active galactic nuclei (Bridge et al. 2016). Finally, I discuss our prospects for
using emission lines to probe the first galaxies at z > 6 and how we can leverage
new technology to catch them in the act of formation.
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Chapter 2 —
Characterizing Lyman-Alpha Scattering in Nearby Galaxies
Ever since the question was posed of how distant galaxies could be detected,
the Lyα emission line resulting from the n = 2 to n = 1 transition of hydrogen at
1216 Å has been recognized as key to studying high redshift star-forming galaxies
(Partridge & Peebles 1967). Lyα reprocesses approximately two-thirds of the ionizing photons from hot, massive, short-lived stars (Spitzer 1978). It is therefore
expected to be the brightest emission line from young stellar populations (e.g.,
Raiter et al. 2010).
However, due to the high absorption cross-section between the n = 1 and n = 2
state, the neutral gas reservoirs in a galaxy lead to a complicated resonant radiative
transfer problem. This process increases the path lengths that Lyα photons have to
travel before escaping the galaxy and therefore also increases the chance of being
absorbed by interstellar dust grains (e.g., Neufeld 1990; Verhamme et al. 2006;
Laursen et al. 2013; Behrens et al. 2014; Dijkstra 2014). The result is that Lyα
is not observed in all star-forming galaxies, and in galaxies where it is observed,
the sites of escaping emission and intrinsic production are different. Many factors
govern the visibility of Lyα, such as kinematics, the porosity and clumpiness of
the interstellar medium (ISM), and scattering (Kunth et al. 1994, 1998; Mas-Hesse
et al. 2003; Lequeux et al. 1995; Heckman et al. 2011; Wofford et al. 2013).
Nevertheless, Lyα has been used to find tens of thousands of high-redshift
galaxies and, with the advent of experiments such as the Hobby Eberly Telescope
Dark Energy Experiment (HETDEX; Hill et al. 2008a) and James Webb Space
Telescope (JWST ; Gardner et al. 2006), it will remain the prime tracer of galaxy
formation and evolution in the next decade. Therefore it is of paramount impor15

tance that the processes by which Lyα are emitted from galaxies are very well
understood. This requires understanding Lyα radiative transfer on small scales.
One of the best samples in which to study resolved Lyα is the Lyman Alpha
Reference Sample (LARS; Hayes et al. 2013, 2014; Östlin et al. 2014; Pardy et al.
2014; Rivera-Thorsen et al. 2015; Herenz et al. 2016; Duval et al. 2016). The
LARS sample comprises 14 nearby (0.02 < z < 0.2) Lyα emitting and/or absorbing
galaxies with extensive Hubble Space Telescope (HST ) broadband and narrowband
imaging, supplemented by observations from numerous other telescopes. The goal
of these observations is to probe exactly how the Lyα photons travel and by what
mechanism they escape. The work presented here will use this unique sample of
galaxies to model the behavior of dust and Lyα scattering in star-forming galaxies.
One way to understand what Lyα tells us about a galaxy is to compare it to the
very well-understood transition of Hα, the H I Balmer transition from n = 3 to n =
2 at 6563 Å (e.g., Hayes et al. 2007; Östlin et al. 2009; Herenz et al. 2016). In starforming galaxies, Balmer emission serves as a proxy for the total ionizing flux of the
stars embedded in the galaxies, and is therefore one of the more direct ways (when
corrected for reddening) to quantify a system’s current star formation (Kennicutt
1998). The same recombination events that generate Lyα photons also generate
Hα, meaning that Hα traces Lyα but without the complicated radiative transfer
of resonance. The comparison of Lyα and Hα is therefore a way of understanding
what we are missing when we focus only on the Lyα emission. This is particularly
useful because the reason that high-redshift galaxies are studied in Lyα is because
their Hα emission is shifted out of the optical (and near infrared for z > 2.5) and is
therefore often unavailable. If we are able to quantify what information is missed
by the complicated radiative transfer of Lyα compared to Hα, we can then use
that knowledge in high-redshift galaxy studies.
In this work, we use the Hα and Hβ emission of the LARS galaxies to simulate
their Lyα emission to obtain a characteristic scattering distance for Lyα photons,
and show how dust geometry creates deviations from a simple scattering model.
We summarize the LARS data set and reductions in §2. In §3, we perform spatially resolved analysis of Hα/Hβ and Lyα/Hα emission line ratios to pinpoint
mechanisms for the escape of Lyα photons. We describe how Hα observations can
be used to create simulated Lyα distributions to obtain a characteristic scattering
distance for each galaxy in §4. We conclude with §5, and discuss how this work
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can be expanded upon in the future.
In this work, we adopt the standard ΛCDM cosmology, with H0 = 70 km s−1
Mpc−1 , ΩM = 0.3, and ΩΛ = 0.7 (Komatsu et al. 2011a).

2.1 Data
The 14 LARS galaxies were chosen from the GALEX General Release 2 and
SDSS Data Release 6 catalogs. The galaxies were chosen to have Hα equivalent
widths of EWHα > 100 Å, ensuring a sample with significant active star formation
and Lyα photon production. While the details of the sample selection and data
reduction can be found in Hayes et al. (2013) and Östlin et al. (2014), we summarize
the procedures here.

2.1.1 Observations
The LARS galaxies were imaged by HST using a synthetic narrowband centered
on Lyα. The technique used to measure the Lyα emission line is described in detail
in Östlin et al. (2014) and Hayes et al. (2009). Briefly, a synthetic narrowband
image was created by subtracting the F140LP and F150LP or the F125LP and
F140LP long-pass filters on the Solar Blind Channel (depending on the galaxy
redshift) to observe the Lyα line. Either the Wide Field Camera 3 (WFC3) or the
ACS were used to obtain Hα and Hβ emission maps. These three emission maps
are the data used in the following work.

2.1.2 Data Processing
The images were reduced using the Drizzlepac1 package in the standard
HST reduction algorithm. We used custom built software called Lyman-Alpha
Extraction Software (LaXs; Hayes et al. 2009; Östlin et al. 2014) to subtract
the continuum from the Lyα images. To find the underlying continuum flux in
Lyα (and, to a lesser extent, Hα and Hβ), we performed spectral energy distribution fitting using observations from five continuum filters on HST (two in the FUV
and three in the optical). To briefly summarize, the images were processed with
a Voronoi tessellation algorithm (Cappellari & Copin 2003; Diehl & Statler 2006).
1

http://drizzlepac.stsci.edu/
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For each resulting spaxel (to a target of S/N = 10 in the FUV), we used three
components to model the continuum: one nebular line plus continuum component
constrained by Hα and Hβ, one young, and one old stellar population. These were
fit to the data with a χ2 fitting method and population spectra from Starburst99
templates (Leitherer et al. 1999). The free parameters in this procedure are the
equivalent width of the Lyα line, the age (of the young population), E(B-V)s , and
masses of the young and old populations. The fitting routine also accounts for
flux from the nebular continuum by utilizing the Hα and Hβ observations. For
more details see Hayes et al. (2009). The images’ point spread functions were also
matched using custom-made software (Hayes et al. 2016; Melinder et al. in prep).

2.1.3 Photometric Analysis
Using the appropriate aperture for each galaxy is important, as we need an
aperture that encompasses the entirety of the Lyα halo without including too much
background. The Petrosian (1976) radius determined from the UV continuum does
not encompass the entirety of the Lyα emission for every galaxy. We therefore
created an aperture by convolving the UV continuum image with a gaussian kernel
with a 50-pixel width. This allows for a larger aperture that is able to capture the
entirety of the Lyα halos. Using this convolved image, we calculated an isophotal
radius in which 20% of the flux of the smoothed image is contained and used this
radius to define the aperture for each galaxy. However, in some cases where the
Lyα halo morphology is particularly extended or more complex, even this radius
is not large enough to encompass all of the Lyα emission. For LARS01, LARS02,
LARS05, LARS07, and LARS08, we therefore used 1.5 times this radius to define
the aperture to include all of the Lyα emission from the galaxy. Using an isophotal
measurement of the radius, rather than a fixed circular aperture, maximizes the
signal while decreasing the background. The final aperture is large enough to
contain the extended Lyα emission while excluding excess background.

2.2 Emission Line Ratios and Dust Geometry
Intrinsically, the ratio of Lyα to Hα in Case B nebulae with T = 5, 000−20, 000
K and ne = 102 − 104 cm−3 varies from 8.1 to 11.6 (Hummer & Storey 1987).
Convention dictates that, roughly, Lyα/Hα ∼ 8.7 (Hu et al. 1998; Hayes 2015).
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Figure 2.1: Lyα/Hα versus Hα/Hβ for the 14 LARS galaxies. The various curves
denote different dust geometry models. A simple uniform dust screen is shown
as a black dashed line, while a smooth internal dust model is shown with a black
dashed-dotted line. The blue, magenta, and yellow dotted lines show a clumpy
dust model for different numbers of clumps along the line of sight (N ). Moving
counter-clockwise along the curves corresponds to higher optical depths of the dust.
For most of the galaxies, the error bars (±1σ assuming a normal distribution) are
within the plot markers. Shown for comparison are the z ∼ 0.3 GALEX LAEs
from Scarlata et al. (2009)
Deviations from this ratio capture the physics of Lyα radiative transfer as well
as information about the dust extinction, while departures from Hα/Hβ = 2.86
can be used to probe the dust content of a galaxy (Pengelly 1964; Brocklehurst
1971). Therefore we use the Lyα and Hα emission maps to calculate these ratios
for the LARS galaxies, giving insight into the radiation physics, dust geometry,
and reddening in galaxies. We have implemented a cut in the Hβ line maps of
fHβ = 1 × 10−18 erg/s/cm2 . This is particularly important because the Hβ images
have low signal-to-noise in the outer regions of the galaxies.
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Table 2.1. LARS Integrated Fluxes
LARS ID

z

Lyα (erg s−1 cm−2 )

Hα (erg s−1 cm−2 )

Hβ (erg s−1 cm−2 )

01

0.028

(5.40 ± 0.03) × 10−13

2.81 × 10−13

8.78 × 10−14

02

0.030

(1.85 ± 0.01) × 10−13

7.16 × 10−14

2.53 × 10−14

03

0.031

(1.25 ± 0.00) × 10−13

2.81 × 10−13

5.64 × 10−14

04

0.033

(−8.60 ± 0.14) × 10−14

1.93 × 10−13

6.04 × 10−14

05

0.034

(4.46 ± 0.02) × 10−13

1.60 × 10−13

5.03 × 10−14

06

0.034

(−5.74 ± 0.44) × 10−15

2.42 × 10−14

8.47 × 10−15

07

0.038

(1.77 ± 0.02) × 10−13

1.16 × 10−13

3.29 × 10−14

08

0.038

(1.29 ± 0.01) × 10−13

3.65 × 10−13

7.19 × 10−14

09

0.047

(9.10 ± 0.16) × 10−14

4.45 × 10−13

1.72 × 10−13

10

0.057

(2.11 ± 0.49) × 10−15

2.62 × 10−14

5.96 × 10−15

11

0.084

(2.27 ± 0.08) × 10−14

4.11 × 10−14

< 9.96 × 10−15∗

12

0.102

(6.88 ± 0.12) × 10−14

5.38 × 10−14

1.14 × 10−14

13

0.147

(9.01 ± 2.68) × 10−15

3.37 × 10−14

7.75 × 10−15

14

0.181

(5.98 ± 0.06) × 10−14

2.10 × 10−14

7.32 × 10−15

∗ Because

of high dust content and its edge-on nature, only a upper limit on the Hβ
flux can be given for LARS11

2.2.1 Integrated Emission Lines
In Figure 2.1, we show the integrated line ratios for the 14 LARS galaxies, with
the fluxes given in Table 2.1. Following Scarlata et al. (2009), we show several
models describing dust geometry. A simple dust screen model with RV = 3.07
(Cardelli et al. 1989) is denoted by the black dashed line. The black dash-dotted
line demonstrates a smooth internal dust model (Mathis 1972), where the stars,
gas, and dust are evenly mixed. Finally, we show models for various clumpy media
(Natta & Panagia 1984), where the number of clumps per sightline follow a Poisson
distribution and individually obey the Cardelli model, with each clump having the
same optical depth. These models do not include Lyα radiative transfer effects.
Scarlata et al. (2009) found that a majority of z ∼ 0.3 Lyα emitting galaxies were
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best described by the clumpy dust model. Meanwhile, for the galaxies that lie
below the uniform dust screen model, they noted that a mechanism that would
preferentially dampen the Lyα photons but leave the Balmer photons unaffected
would be required, such as a neutral medium through which the Lyα photons
would pass without scattering.
We find that while several of the LARS galaxies lie in the region of Figure 2.1
described by a clumpy dust model, others show Lyα to be significantly lower than
that inferred from the Balmer decrement. Of particular note are the galaxies for
which the Hα/Hβ ratios are consistent with the intrinsic value, but have Lyα/Hα
values anywhere from ∼ 75% (LARS14) to nearly 100% (LARS09) less than than
the intrinsic value of 8.7. This is in agreement with previous studies that have
found that integrated Lyα emission is often much weaker than expected from
recombination theory (e.g., Terlevich et al. 1993; Giavalisco et al. 1996; Atek et al.
2008; Scarlata et al. 2009). Overall, the LARS galaxies show Lyα/Hα ratios that
span the whole range from no additional destruction of photons beyond that done
by dust to the formation of damped Lyα absorptions profiles.

2.2.2 Resolved Emission Line Ratios
With the resolved line maps of the LARS galaxies, we are able to probe the dust
geometry down to the minimum physical scales allowed by the HST point spread
function (see Melinder et al. in prep), which for these galaxies is approximately
40 to 130 parsecs, depending on redshift. By using the emission line ratios and
knowing where exactly in the galaxies different line ratios occur, we can trace what
regions in the galaxies are affecting the integrated line ratios. In this section, we
will compare two galaxies that are each representative of differing dust models,
LARS01 and LARS12. The HST Lyα and Hα emission maps are shown for these
two galaxies in top panels of Figures 2.2 and 2.3, respectively. For the following
analysis, we use individual pixels rather than the Voronoi tessellated spaxels to
conserve spatial information. We preserve the signal-to-noise by implementing the
aforementioned Hβ cut.
LARS01, which is displayed in Figure 2.1 as a purple square, is an example
of a galaxy that is not well described by a clumpy dust model. We show the
Hα/Hβ versus Lyα/Hα values for the galaxy in Figure 2.4. As in Figure 2.1, we
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Figure 2.2: Images of LARS01. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.
have plotted the various dust models. While some pixels fall in the clumpy model
region, most lie below the plotted dust models. Additionally, a number of pixels
correspond to regions where the Lyα line is the same or brighter than predicted by
recombination physics. In the lower panels of Figure 2.2, the Lyα/Hα and Hα/Hβ
ratios are shown in the galaxy.
In addition to the bright Lyα, there are also a significant number of pixels
that have Lyα/Hα < 0. Some of these may be due to noise, producing artificially
negative Lyα values. Nevertheless, our cut in Hβ minimizes the number of pixels
affected by noise. Therefore, the negative Lyα/Hα values are more likely caused
by Lyα in absorption. This is due to continuum light being either absorbed or
scattered by the n = 2 to n = 1 resonance.
Unlike LARS01, LARS12, denoted in Figure 2.1 by a yellow star, falls directly
in the region of the clumpy dust models. We show the Hα/Hβ versus Lyα/Hα
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Figure 2.3: Images of LARS12. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.
values for the pixels in LARS12, along with the various dust models, in Figure 2.5.
As would be expected from the global Lyα/Hα and Hα/Hβ ratios, a majority of
the pixels fall in the regions of the plot well-described by the clumpy dust models
with varying N (numbers of clumps along the line of sight) and τ (optical depth).
Overall, LARS12 has much higher Hα/Hβ values than LARS01, indicating that
the galaxy is significantly dustier. We show the Lyα/Hα and Hα/Hβ ratios as
they exist in LARS12 in the bottom panels of Figure 2.3.
To quantify the comparison of Lyα and Hα in a galaxy, we examine their
respective surface brightnesses (Östlin et al. 2009). We plot the surface photometry
for LARS01 in the left panel of Figure 2.6. Shown in black are the logarithmic
Lyα surface brightness plotted against the logarithmic Hα surface brightness. The
solid red line indicates the intrinsic Lyα/Hα ∼ 8.7 expected under the assumption
of Case B recombination. Lower Lyα/Hα ratios indicate either dust absorption or
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scattering of the Lyα photons out of the line of sight, while Lyα/Hα values greater
than ∼ 8.7 show where Lyα has likely been scattered into the line of sight.
Overplotted in blue in the left panel of Figure 2.6 are the individual pixels of
LARS01 that fall in the region corresponding to the clumpy dust screen models of
Natta & Panagia (1984) (defined as any pixel lying above the dust screen curve
in Figure 2.4). Most of the blue pixels show Lyα/Hα ratios well below the intrinsic relationship, indicating that the Lyα photons are either absorbed by dust or
scattered out of the line of sight by neutral hydrogen (Hayes 2015). Some pixels
indicate that Lyα photons have also been scattered into the line of sight, as they
are overluminous for the corresponding Hα surface brightnesses. Both of these
scenarios can be explained by the presence of a clumpy medium that can both
dampen as well as scatter the Lyα. The brightest Lyα pixels (in the upper right
region) are not affected by the clumpy medium.
In the right panel of Figure 2.6, we trace the pixels in the clumpy dust region
of Figure 2.4 back to the LARS01 Lyα image. What is immediately obvious is
that Lyα photons that are escaping from the center of the galaxy are not doing so
through a clumpy medium. The diameter of this central region is ∼ 0.65 kpc. The
central region is the source of the brightest Lyα emission, and these pixels show
no evidence of being scattered or dampened by a clumpy medium. In fact, the left
panel of the figure indicates that the Lyα/Hα ratio is very close to its intrinsic
value.
Given this, it is likely that a region has been cleared of static neutral hydrogen,
either by the winds from a preponderance of supernovae or by a bubble blown out
by the active star formation at the center of the galaxy, resulting in outflows that
allow some of the Lyα photons in the wings of the lines to escape (Mas-Hesse et al.
2003; Rivera-Thorsen et al. 2015; Herenz et al. 2016). Moreover, the concentration
of ionized hydrogen in the galaxy’s central region (see Figure 2.2) indicates that
most of the medium has been ionized, and is therefore transparent to Lyα photons.
Laursen et al. (2009) showed that the dust model used in Lyα radiative transfer
calculations is relatively unimportant since the photons either travel through fairly
dust-free regions, or they travel through dusty regions and are absorbed. This is
in line with the general lack of a Lyα attenuation in the center of LARS01.
Most of the pixels that lie above the Cardelli et al. (1989) dust screen model
in Figure 2.4 come from a concentrated annular region around the center of the
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Figure 2.4: Lyα/Hα versus Hα/Hβ for LARS01. The uniform dust screen model
is plotted as a blue line, and three different clumpy dust models for N = 3, 5, 10
are shown in orange, magenta, and cyan, respectively. The smooth internal dust
model is plotted with a green line. The black dashed line indicates the intrinsic
ratio of Lyα/Hα ∼ 8.7. The density of points is shown in the gray scale, with
the density values shown in the color bar. A characteristic error bar is shown,
calculated only using the points for which the uncertainties in both line ratios are
greater than 0.5 for both Lyα/Hα and Hα/Hβ.

Figure 2.5: Same as Figure 2.4 but for LARS12. LARS12 is generally a redder galaxy, and many more pixels lie in the clumpy dust model regions than for
LARS01.
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Figure 2.6: Left: Log Lyα surface brightness vs. log Hα surface brightness for
LARS01. Overplotted in blue are the pixels in the galaxy that lie above the
simple dust screen model (Figure 2.4). Note that since the values are plotted on a
logarithmic scale, only positive values are included. The solid red line indicates the
intrinsic value of Lyα versus Hα surface brightnesses under Case B recombination,
and the dashed and dotted red lines show a one-to-one relation and ten times below
that, respectively. Right: The blue pixels in the left panel are traced back to their
origin in the Lyα image. The calculated aperture has been applied to each galaxy.
The color scale of the image corresponds to how densely the pixels are packed,
with the lighter colors showing a greater number of pixels in the region and the
dark colors showing no pixels that correspond to the blue pixels on the left. The
color scale is normalized to one.
galaxy. This indicates that an annulus of clumpy dust exists outside the central
star-forming region.
Rivera-Thorsen et al. (2015) observed the LARS galaxies using the Cosmic
Origin Spectrograph (COS) on the HST. They found that, in general, gas outflows
with velocities greater than 50 km s−1 occurred in all the galaxies where Lyα is
observed. The model used to explain this behavior (Tenorio-Tagle et al. 1999; MasHesse et al. 2003) posits that feedback from the actively star-forming regions in
the center of the galaxy creates Rayleigh-Taylor instabilities at the border between
the hot bubble and the neutral phase of the ISM. This results in a clumpy medium
through which Lyα photons can either escape or be absorbed. This model could
explain the regions we observe in LARS01 and other galaxies.
In contrast to LARS01, the integrated ratios of LARS12 place it solidly in
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Figure 2.7: Same as Figure 2.6 but for LARS12. LARS12 shows evidence of clumpy
dust almost all the way to the center of the galaxy.
the region of Figure 2.1 that is described by the clumpy dust models.LARS12
is consistent with the clumpy dust model almost all the way to the nucleus (see
Figure 2.7). While Lyα escapes freely from the inner ∼ 0.65 of LARS01, the same
cavity in LARS12 is only ∼ 0.4 kpc in diameter. This difference can also be seen
in the curve of growth analysis performed by Hayes et al. (2014, Figure 4): in
LARS01, the Lyα profile peaks close to the galactic center, while in LARS12,
Lyα begins to peak only 5 kpc from the center of the galaxy. In other words, in
LARS12, dust attenuation is suppressing Lyα emission in the center of LARS12
compared to what would be expected from a clumpy interstellar medium.
We next isolate the pixels of the LARS01 image that fall above the intrinsic
Lyα/Hα value. The regions of the galaxy in which these pixels are located are of
particular interest as they provide insight into the mechanisms that can transport
Lyα to large radii. As much as 50% of the Lyα emission comes from these halo
regions, which often reach galactocentric radii of 10 kpc (Hayes et al. 2005; Atek
et al. 2008). Several processes can theoretically modify the Lyα/Hα ratio, such
as extreme high or low densities, shocks, and other non-equilibrium conditions,
but the more likely explanation of an upward deviation from Lyα/Hα ∼ 8.7 is the
physics of Lyα radiative transfer (e.g., Hayes 2015). The fact that Lyα/Hα  10 is
frequently observed tells us that scattering into the line of sight not only happens,
but that it can dominate the integrated luminosity of a galaxy.
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Figure 2.8: Left: Log Lyα surface brightness vs. log Hα surface brightness for
LARS01, showing only the pixels that lie above the intrinsic Lyα/Hα value. Note
that since the values are plotted on a logarithmic scale, only positive values are
included. The solid red line indicates the intrinsic value of Lyα versus Hα surface
brightnesses under Case B recombination, and the dashed and dotted red lines
show a one-to-one relation and ten times below that, respectively. Right: The Lyα
image showing only those pixels that indicate scattering of Lyα photons into the
line of sight. The color scale of the image corresponds to how densely the pixels
are packed, with the lighter colors showing a greater number of pixels in the region
and the dark colors showing no pixels that correspond to the pixels shown in the
left panel. The color scale is normalized to one. These pixels largely trace the Lyα
halo.
In Figure 2.8, we show only the regions of LARS01 where Lyα photons are
scattered into the line of sight. The left panel shows these pixels in the surface
brightness distribution, and on the right, the origin of these pixels are shown in
the image. The pixels that contain overly bright Lyα correlate very well with the
Lyα halo of LARS01. Figure 2.9 shows the same quantities but for LARS12. This
galaxy has the same characteristics as LARS01, with the brightest Lyα/Hα pixels
being the most significant contributor to the emission from the outer halo. For
Lyα photons to be this bright relative to Hα, the photons have to be scattered into
the line of sight. It has been shown that the size of extended Lyα halos around
low-redshift Lyα emitters is inversely correlated with dust content, indicating that
low dust abundance is necessary for Lyα photons to resonantly scatter to large
radii (Hayes et al. 2013). The fact that the bright Lyα pixels correspond directly
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Figure 2.9: Same as Figure 2.8 but for LARS12. As with LARS01, these pixels
with overly bright Lyα correspond to a halo where most of the Lyα escapes the
outer edges of the galaxy.
to the Lyα halo indicates that the halo is generated by a scattering process where
little dust exists, rather than escaping directly through holes blown through the
ISM by galactic winds.

2.3 An Empirical Model for Lyman-Alpha Scattering
To model the emission of Lyα, we begin with an examination of the relative
intensities of Lyα and Hα in the LARS galaxies. Deviations from the intrinsic
ratio of Lyα/Hα ∼ 8.7 capture the physics of Lyα radiative transfer. At gas
densities that are relevant in typical interstellar media, the opacity of the Hα
line is negligible. Our goal is to quantify this difference between Hα and Lyα,
and thereby probe the effect that environment and dust geometry have on Lyα
scattering. There is a stark difference between the Lyα and Hα emission shown
in Figures 2.2 and 2.3, highlighting the scattering that Lyα photons undergo. By
using Hα (with Hβ to correct for reddening) images and our knowledge of the
intrinsic Lyα/Hα ratio, we can calculate the intrinsic Lyα emission that should
exist in comparison to what is actually observed.
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Figure 2.10: Surface brightness plots for LARS01. Shown in the left panel is the
observed Lyα surface brightness versus Hα surface brightness. Note that since the
values are plotted on a logarithmic scale, only positive measurements are included.
The solid black line denotes the Case B recombination value, while the dashed line
represents a one-to-one ratio of Lyα and Hα emission and the dotted line a dex
below that. The right panel shows the same plot but for the simulated Lyα surface
brightness versus Hα surface brightness.

Figure 2.11: Same as Figure 2.10, but for LARS12.
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Figure 2.12: Fractional difference between the model and observed surface brightnesses for LARS01. The data have been binned and a positive difference (purple)
indicates that there are more points in the observed bin than the model bin. Negative differences (yellow) occur where there are more points in the model bin than
the observed data.

Figure 2.13: Same as Figure 2.12, but for LARS12.
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2.3.1 Model Description
Our scattering model is based on the observed properties of the dust absorption
and photon scattering discussed in Section 2.2.2. The galaxies we examined there
show that the pixels corresponding to a clumpy dust model congregate in an annulus around a central region where dust acts as a screen. Meanwhile, the pixels that
are overbright in Lyα compared to Hα, which is an indication of scattering back
into the line of sight, form the Lyα halo. Following this, we posit three different
types of dust distributions throughout the galaxy in our model: a central region in
which the Lyα photons are attenuated by only a uniform dust screen, an annular
region that contains a clumpy dust geometry, and finally an outer halo region with
no dust where the Lyα photons can travel out to large distances via scattering.
Of particular interest are how and how much the Lyα photons scatter in the halo
region, as one of the big questions about Lyα escape is how the dust affects the
escape of Lyα photons.
We begin using only the 2D Hα emission line map, and multiply it by the
intrinsic ratio of 8.7 to obtain an intrinsic Lyα distribution that is unaffected by
dust or scattering. We then create three separate images: one derived using a dust
screen model, another using a clumpy dust model, and a third where the scattering
of Lyα photons is the only physical process. After each image is created, we piece
them together, using the dust screen model for the central region, the clumpy dust
model in an annulus around the center, and the scattering model for the outer
regions. Below, we describe the details of each segment, and how the sizes of each
region are determined.
We modulate the central region Lyα emission with a simple dust screen model
using


Hα/Hβ
2.5
log
(2.1)
E(B − V ) =
kHβ − kHα 10
2.86
where kHα = 2.455 and kHβ = 3.520, as described by Cardelli et al. (1989). Here, the
Hα/Hβ values used are drawn randomly from the Balmer decrement distribution
for the galaxy being modeled and applied to each pixel in the central region. The
reason we draw randomly from a distributions of Balmer decrements rather than
the measured value for each pixel is because the Hβ is not always well measured,
making a reliable value at each pixel impossible to determine. This extinction is
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then applied as
LLyα = 8.7 × LHα × 10−0.4E(B−V )kLyα

(2.2)

The annulus between the central region and the Lyα halo experiences a more
complex dust component than the central region as it is assumed to contain clumpy
media. This changes the effect that the dust has on the Lyα photons, resulting in
different absorption cross-section. We model this effect following the formalism of
Natta & Panagia (1984)
Iλ
= exp(−N (1 − e−τλ ))
0
Iλ

(2.3)

where Iλ is the observed intensity of the source, Iλ0 is the assumed intrinsic intensity,
N is the mean number of clumps along the line of sight, and τλ is the optical depth
of each clump. Using the intrinsic Hα/Hβ ratio of 2.86, we calculate the number
of clumps along the line of sight for each pixel. From this set of clump values we
then draw randomly to create a smooth distribution of clumps along the line of
sight for the model and apply the random values to all of the pixels in the annular
region. Additionally, we assume a normal distribution of τ centered around 1 with a
standard deviation of 0.25. This has the effect of magnifying the absorption slightly
as compared to the dust screen model applied to the central region. Other optical
depth values would slightly increase or decrease the absorption in the annular
clumpy dust region. Using a global distribution of τ centered at 1 is a simplifying
assumption, but its use does not change qualitatively the overall conclusions drawn
from the model outputs.
To model the Lyα halo at large radii, we “scatter” the photons by convolving
the simulated Lyα (where Lyα = 8.7 × Hα) emission with a symmetric twodimensional Gaussian kernel. The convolution operation empirically mimics the
effect of scattering the Lyα from the centralized emission that is seen in the Hα
maps toward larger angular distances seen in the Lyα halo2 . Other kernels were
tested, such as a Lorentzian kernel, with similar results.
The resulting model has three input parameters: the average scattering distance
2

That a Gaussian two-dimensional kernel is appropriate can be understood from the radiative
transfer point of view: once in the wings of the line, a Lyα photon performs a random walk
(Adams 1972). An ensemble of random walkers in an inhomogenous medium will be Gaussiandistributed after sufficient steps (Gronke et al. 2016, 2017).
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of Lyα photons in the halo region, represented by the Gaussian kernel width, the
isophotal size of the central region, and the isophotal size of the annulus. We
parameterize the sizes of the two regions as a fraction of the aperture calculated
in Section 2.
To find the best fit model for each galaxy, we use a Markov Chain Monte
Carlo implementation called emcee (Foreman-Mackey et al. 2013). This technique
ensures that the parameter spaces for each input are fully explored without being
excessively computationally expensive. For each iteration of input parameters, we
compare the simulated Lyα vs. Hα surface brightness distribution to the observed
surface brightness distributions to determine which set of parameters best fits the
data. We do this by first creating a 2D histogram of the original Lyα versus
Hα surface brightness distribution. After each step a walker takes, a new surface
brightness distribution is created and a 2D histogram of that distribution is made.
To compare the observed and modeled surface brightnesses, we test the fit by
minimizing the quantity
n
X
(Observation[i, j] − Model[i, j])2
Observation[i, j]
i,j=0

(2.4)

where n is the number of bins. The output of emcee is the kernel width and region
sizes that best match the observed surface brightness distributions.

2.3.2 Model Results
In Figures 2.10 and 2.11, we compare the observed Lyα versus Hα surface
brightnesses to our simulated values. For LARS01, the resulting scattering kernel
is σ = 0.72+0.38
−0.27 kpc, where the errors give the 16th and 84th percentiles of the
walkers from the MCMC algorithm. This kernel encodes an average scattering
distance that each Lyα photon undergoes in any given galaxy. In contrast, the
+1.74
halo surrounding LARS12 has a Lyα photon scattering distance of σ = 1.03−0.69
kpc. The best fit scattering model for all of the LARS galaxies is given in Table 2.2.
The right panels of Figures 2.10 and 2.11 show the models for the Lyα versus
Hα surface brightnesses. Note that the pixels in the brightest Lyα region lie
directly on the Case B recombination line - this is because in the central regions,
only a dust screen model is applied, meaning there is no way for the photons to
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Table 2.2. LARS Scattering Properties

LARS ID

Halo Scattering
Distance (kpc)

Central Region Annular Region
Radius (kpc)
Radius (kpc)

01

0.72+0.38
−0.27

0.36+1.35
−0.26

2.28+0.16
−0.26

02

0.36+0.04
−0.034

1.52+0.59
−1.3

3.50+0.49
−1.30

03

0.35+0.05
−0.05

3.08+0.31
−0.24

3.71+0.36
−0.24

04

0.70+0.54
−0.42

2.17+0.14
−0.54

2.92+2.63
−0.54

05

0.40+0.08
−0.09

1.59+0.46
−0.32

2.67+0.58
−0.32

06

0.41+0.06
−0.09

1.94+0.73
−1.07

4.39+0.58
−1.07

07

0.37+0.14
−0.26

1.43+0.32
−0.33

2.22+0.47
−0.33

08

0.44+0.07
−0.08

2.71+1.09
−1.46

5.58+1.75
−1.46

09

0.56+0.11
−0.11

0.40+0.13
−0.68

7.18+1.55
−0.68

10

0.52+0.08
−0.06

1.35+0.23
−0.11

2.30+0.27
−0.11

11

1.56+0.03
−0.49

6.41+0.50
−1.51

6.92+0.21
−1.51

12

1.03+1.74
−0.69

1.23+2.46
−1.06

4.77+1.04
−1.06

13

2.24+0.18
−0.29

3.29+0.52
−0.33

6.62+0.31
−0.33

14

1.68+2.83
−1.13

1.96+3.91
−1.68

7.58+1.65
−1.68

scatter to brighter Lyα values. Also note that in our model, the borders between
the three zones are sharp, whereas in the data, the transitions are more gradual.
This difference is apparent in the models for LARS01 and LARS12. For the model
comparisons for all LARS galaxies, see the Appendix.
In Figures 2.12 and 2.13, we show the fractional differences between the model
and the observed Lyα and Hα surface brightnesses. These differences have been
calculated by binning the Lyα versus Hα points from Figures 2.10 and 2.11, then
finding the observed minus predicted differences in each bin. A positive difference
(purple) indicates that there are more points in the observed bin than the model
bin. Negative differences (yellow) occur where there are more points in the model
bin than the observed. From the figures, it is apparent that our model matches the
surface brightness distribution for LARS01 very well. For LARS12, the differences
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Figure 2.14: The characteristic scattering distances of the LARS galaxies versus the
sizes of the Lyα halo. The Lyα halo size corresponds to the size of the outer galaxy
regions as determined by the MCMC fitting algorithm. The Spearman’s correlation
coefficient is ρ = 0.62 with a probability of a correlation arising by chance of
p = 0.019. The errors give the 16th and 84th percentiles of the distribution of the
walkers from the MCMC algorithm that determined scattering distance.
are more stark, with the model distributing points that should be in the Lyα
halo to the region corresponding to the clumpy annulus. In both cases, our dust
geometry and scattering model captures well the overall structure of the surface
brightness distributions.
The characteristic scattering distances for the LARS galaxies range from a fraction of a kiloparsec to several kiloparsecs. As shown in Figure 2.14, the scattering
distances scale linearly with the sizes of the Lyα halo for each galaxy, with a Spearman (1904) correlation coefficient of ρ = 0.62 and a probability of a correlation
arising by chance of 1.9%. This relationship is intuitive, as a galaxy with a longer
characteristic Lyα photon scattering distance will experience more Lyα escape,
resulting in a larger halo.
Additionally, as illustrated in Figure 2.15, we find that there is a tentative inverse correlation between the Lyα scattering distance and the average reddening
values of the LARS galaxies. The Spearman correlation coefficient for this rela-
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Figure 2.15: The characteristic scattering distance versus the global Balmer decrement of the LARS galaxies. The Spearman correlation coefficient is ρ = −0.49
with a probability of a correlation arising by chance of p = 0.078. The errors in
the scattering distance represent the 16th and 84th percentiles of the distribution
of the walkers from the MCMC algorithm that determined scattering distance.
tionship is ρ = −0.49 with a probability of a correlation arising by chance of 7.8%.
This behavior suggests that Lyα photons do not scatter as far in galaxies with
higher dust content. This is consistent with studies that show that the Lyα escape
fraction decreases with dust content (Hayes et al. 2013; Atek et al. 2014).
The amount of Lyα scattering should be strongly related to the density of the
neutral scattering medium in a galaxy. We explored this relationship using data
for the LARS galaxies from the Very Large Array (VLA) (Pardy et al. 2014). At
present, data are published for only five galaxies in the sample: LARS02, LARS03,
LARS04, LARS08, and LARS09. We note that there is a tentative positive correlation between the scattering distance and the HI column density; more extensive
HI observations will be able to determine whether or not this correlation actually
exists.
We note that there are some galaxies that are more easily characterized using
this model than others. Specifically, our model works best on the galaxies with
symmetric reddening distributions. For example, the Balmer decrement distribu37

tion of LARS03 is skewed to the red and has a median value of Hα/Hβ = 5.78. Our
best-fit model for LARS03 gives a Lyα halo scattering distance of σ = 0.351 kpc,
but the resulting Lyα versus Hα surface brightness distribution deviates rather significantly from the observed data. LARS12 is another red galaxy, with a median
Balmer decrement value of Hα/Hβ = 4.35. Our difficulty in matching its surface
brightness distribution can be seen in in the right panel of Figure 2.11, where Hα
is consistently under-predicted relative to Lyα. However, for galaxies with reddening distributions that are more Gaussian and with lower median Hα/Hβ values,
our model does quite well predicting the shape of the observed surface brightness
distributions.

2.4 Summary and Conclusions
We have presented a study of the dust geometry of the 14 LARS galaxies, and
how it affects Lyα escape from galaxies. Informed by this dust characterization,
we have also developed a modeling technique to characterize how far, on average,
Lyα photons scatter into the outer halo before escaping.
The LARS galaxies provide a unique dataset with which to use pixel-by-pixel
photometry to probe the galaxies’ dust geometry down scales of ∼ 40 parsecs.
This has allowed us to move from looking only at the global dust properties of the
galaxies to understanding which galaxy regions are affecting the global properties
the most.
Using LARS01 and LARS12 as examples of galaxies with quite different dust
distributions, we probed the properties of each galaxy, including which regions
correspond to a clumpy ISM, and which regions contain the most scattering. We
found that for LARS01, whose global Lyα/Hα value places the galaxy in a region
not well described by a clumpy medium, there are three distinct regions that
determine the way in which Lyα escapes. At the center of the galaxy, Lyα escapes
at or slightly below the intrinsic Lyα/Hα ratio of 8.7. A clumpy medium surrounds
the center in an annulus of pixels that are well-described with a large number of
small dust clouds. Finally, there exists a Lyα halo from which the overluminous
(Lyα/Hα > 8.7) Lyα photons scatter out to great distances before leaving the
galaxy.
In contrast, the sized of the regions of LARS12 are significantly different than
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for LARS01. For this galaxy, the clumpy ISM extends almost to the very center
of the galaxy with only a small central region where the dust screen model is
applicable. Otherwise, LARS12 has the typical Lyα halo seen in many of the
LARS galaxies.
Based upon these findings, we developed a model to quantify what effect these
different dust regions have on Lyα escape. Our three-parameter model uses an
MCMC algorithm to find the average scattering distance that Lyα undergoes in
the halo of the galaxies, as well as the sizes of the areas with smooth and clumpy
dust geometries. The resulting halo scattering distances correlate with the Lyα
halo sizes and are slightly inversely correlated with the median Balmer decrement
of the galaxies.
Observations of the HI in the remaining LARS galaxies (P.I. Cannon; ID
VLA/17A-240) will reveal whether or not there is a correlation between the HI
column density and the modeled scattering distances. Additionally, with an angular resolution of ∼ 600 , the VLA observations will be capable of determining the
HI morphologies, which will allow for a more thorough exploration of how the Lyα
scattering is affected by the presence of neutral hydrogen. Other future work will
involve expanding our modeling algorithm to the full extended LARS (eLARS; P.I.
Östlin; ID 13483) sample, which comprises a further 28 nearby Lyα emitters with
more disk-like morphologies and a lower Hα equivalent width requirement.
This work provides a new way of quantifying the scattering of Lyα photons,
and how dust affects the global escape fraction of Lyα from galaxies. Connecting
the role of dust to the observed Lyα emission will allow us to better understand
and interpret Lyα at high redshifts.
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Chapter 3 —
Physical and Morphological Properties of [O II] Emitting Galaxies
in the HETDEX Pilot Survey
Numerous surveys have shown that the star formation rates (SFRs) of galaxies
evolve with redshift, from z ∼ 6 (e.g., Hammer et al. 1997; Hopkins 2004; González
et al. 2010; Bouwens et al. 2011) down to the local universe. From z ∼ 2 to z = 0,
the average stellar mass of galaxies that are actively star-forming, along with their
SFRs, has decreased steadily (e.g., Searle et al. 1973; Cowie et al. 1996; Heavens
et al. 2004; Noeske et al. 2007; Lara-López et al. 2010; Whitaker et al. 2012; Pirzkal
et al. 2013). While considerable effort has been expended on studying star-forming
galaxies either in the local universe or above z ∼ 1, relatively few surveys have
focused on the ∼ 7 Gyr in between the two epochs (e.g., Wolf et al. 2005; Jogee
et al. 2009; Robaina et al. 2010; Lotz et al. 2011).
One star formation rate indicator that is particularly useful in this range is
the doublet [O II] emission at λ3727 (e.g., Kennicutt 1998; Kewley et al. 2004;
Kennicutt & Evans 2012), which is collisionally excited by the free electrons of
H II regions. At z . 1, [O II] is easier to detect than the rest-frame UV, while
being less sensitive to the effects of time-averaging of the star-formation rate. It is,
however, less straightforward to use, as its strength can be dependent on metallicity
and the ionization parameter.
As part of the pilot survey for the Hobby Eberly Telescope Dark Energy Experiment (HETDEX), Adams et al. (2011) identified 397 emission-line galaxies over
169 arcmin2 of sky. While the focus of this pathfinding study was the identification of Lyα emitters (LAEs) at 1.9 < z < 3.6 (Hill et al. 2008b; Blanc et al.
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2011), the observations also detected a large number of lower-redshift [O II] emitting galaxies. This resulted in spectra for a well-defined, emission-line flux limited
sample of 284 [O II] emitters between 0 < z < 0.57. While a number of star formation rate indicators have been previously used in this redshift range (Kennicutt
1998; Pettini et al. 2001; Hopkins 2004), this sample provides a unique resource
for connecting low- and high−z observations with a single, universal SFR indicator. Ciardullo et al. (2013) has examined the [O II]-based star-formation rates for
these galaxies and concluded that, although the scatter between the UV and [O II]
SFR estimators is significant (σ ∼ 0.3), there is no systematic offset between the
techniques.
The HETDEX survey will shortly be yielding data for an emission-line selected
sample of ∼ 106 [O II] emitting galaxies in the redshift range 0 < z < 0.5, with
wavelength coverage from 3500 Å to 5500 Å. In this paper, we present a pathfinding
analysis of the physical and morphological properties of the [O II] emitting galaxies
in the HETDEX Pilot Survey (HPS). In §2, we summarize this survey, and the
techniques used to identify the 284 [O II] line emitters in the sample. In §3,
we model the spectral energy distributions (SEDs) of these galaxies to produce
estimates of their stellar mass, internal reddening, and star-formation rate. In
§4, we discuss the evolution of the star formation rates in the last ∼ 8 Gyr of
cosmic time, and how the relationship between stellar mass and star-formation
rate changes over our survey epoch. In §5, we compare the [O II] equivalent
widths of our galaxies to their stellar mass, and show that the star-forming main
sequence is reflected via an anti-correlation between these two parameters. In §6
and 7, we discuss the morphology and size distribution of the HPS [O II] galaxies.
We show that out to z . 0.5, there is no evidence for significant size evolution or
merger-driven starbursts.
Throughout this work, a flat ΛCDM cosmology is used with Ωm = 0.3, ΩΛ =
0.7, and H0 = 70 km s−1 Mpc−1 (Komatsu et al. 2011b).

3.1 The HETDEX Pilot Survey Data
The data used here were taken as part of the HETDEX pilot survey (HPS;
Adams et al. 2011). The survey focused on four different regions of the sky, coincident with the fields of the Cosmological Evolution Survey (COSMOS; Scoville et al.
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2007), the Great Observatories Origins Deep Survey North (GOODS-N; Giavalisco
et al. 2004), the Munich Near-IR Cluster Survey (MUNICS; Drory et al. 2001), and
the XMM Large-Scale Structure survey (XMM-LSS; Pierre et al. 2004). The HPS
utilized the fiber-fed George and Cynthia Mitchell Spectrograph mounted on the
Harlan J. Smith 2.7-m telescope at the McDonald Observatory. This spectrograph
is a prototype for the Visible Integral-field Replicable Unit Spectrograph (VIRUS)
that will eventually be used for the full HETDEX survey (Hill et al. 2008b). The
instrument contains 246 4.2”-diameter fibers, which produced spectra from 3500
to 5800 Å at a 5-Å full-width-half-maximum (FWHM) spectral resolution. For full
survey details, see Adams et al. (2011) and references therein.
The HPS was a blind integral field spectroscopic survey that searched for objects with emission lines within each exposure. When an emission line was found,
its optical counterpart was identified in the ancillary images of COSMOS, GOODSN, XMM-LSS, and MUNICS using a Bayesian matching scheme. As confirmation
of the validity of the counterpart identification, for the 200 objects in the GOODSN and COSMOS fields, we compared the redshifts obtained from the HPS spectra
to spectroscopic or photometric redshifts of the counterparts obtained from the
literature. In almost all cases there was complete agreement, thus confirming the
identification process. Equivalent widths were estimated by comparing the HPS
line flux to the flux density of the photometric continuum. The emission lines and
redshifts were then identified using either other lines in the spectrum, or, since
most spectra included only a single line, an equivalent width cut. If only a single
line is present in the spectrum, it is by necessity either [O II] or Lyα because given
the spectral range of HPS, only those two emission lines would be present without
other lines being included (Adams et al. 2011). For example, if the emission line
was [O III], other lines such as Hβ and probably [O II] would also be present.
Objects with only a single emission line detection could be either an [O II]
galaxy with z < 0.57 or an LAE with 1.9 < z < 3.8, as described in Adams et al.
(2011). We apply an equivalent width (EW) cut of a rest-frame EW > 20 Å to
identify and reject a higher redshift range LAE. A rest-frame EW > 20 Å is
typical for narrow-band surveys of LAEs (e.g., Gronwall et al. 2007; Ciardullo
et al. 2012). This rest-frame EW translates to an observed-frame EW > 58 to
96 Å for 1.9 < z < 3.8 LAEs. To confirm that our remaining galaxies are indeed
lower redshift [O II] emitters and not higher redshift Lyα interlopers, we applied
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the objects’ spectral energy distribution: high-redshift LAEs have no flux in the
ultraviolet, as this light is shortward of the Lyman break at 912 Å in the rest
frame.
We are confident that the observed-frame 58 Å EW cut to reject LAEs does
not remove a significant high-EW tail of our [O II] emitters: Hogg et al. (1998)
found that ∼ 2% of [O II] emitters have EWrest > 60 Å; our sample has a median
redshift of z = 0.37, where a 58 Å observed-frame EW translates to EWrest of
42 Å. Considering that the [O II] distribution of EW e-folds at 20 Å for the median
redshift of the sample Ciardullo et al. (2013), there will be very few, if any, [O II]
emitters that are close to the Hogg et al. limit.
A total of 284 [O II] emitting galaxies were identified with redshifts between
0.078 < z < 0.563. Ninety percent of the pointings of the survey reached a
monochromatic flux limit of 1.0 × 10−16 erg cm2 s−1 , allowing us to recover 95% of
all objects with observer’s-frame equivalent widths greater than 5 Å (Adams et al.
2011; Ciardullo et al. 2013). The survey volume probed for the [O II] emitters is
4.24 × 104 Mpc3 (Adams et al. 2011).
Thirty of the 284 [O II] emitters (∼ 10%) have X-ray counterparts from surveys
by Chandra and XMM-Newton (Adams et al. 2011). This is not surprising considering the depth of the X-ray observations, particularly in the GOODS-N field,
where many of the X-ray emitters were located. Ciardullo et al. (2013) showed
that for most of these sources, the X-rays are likely associated with normal star
formation, but 10 (∼ 3% of the sample) have X-ray luminosities greater than 1040
erg s−1 in the 2 to 8 keV band. These are likely AGN; subsequent analysis shows
that while these objects are not necessarily the brightest or the most massive in
this sample, they do exhibit anomalously greater [O II] star formation rates, especially at the higher redshifts in the sample. They have therefore been excluded
from our analysis. For further discussion, see Ciardullo et al. (2013) and sources
therein.

3.2 Spectral Energy Distribution Fitting
Physical properties of the [O II] emitters were determined by fitting the SEDs
of the galaxies using the Markov Chain Monte Carlo (MCMC) code GalMC (Acquaviva et al. 2011). Standard χ2 minimization works best if the probability dis43

tribution of the parameters is a Gaussian, and there are few variables to be fit,
as the computation time grows approximately exponentially with the number of
parameters (Serra et al. 2011). Additionally, χ2 minimization will fail to identify
double-valued solutions. MCMC is advantageous because it makes no assumption
about the underlying probability distribution, and any bimodal solutions are immediately obvious because in such a case, the fit will fail to converge. See Acquaviva
et al. (2011) for a detailed explanation of GalMC and the MCMC algorithm.
The SED fitting was performed using up to 11 photometric bands from various
sources covering a range of wavelengths from the far-UV to the IR. Table 3.1 lists
the data that were used to perform the fits for the four survey regions. Most of
the photometry was taken from Adams et al. (2011). The UV bands were found in
the GR6 catalog of GALEX (Martin et al. 2005), while the data from the Spitzer
3.6 µm and 4.5 µm bands were gathered from publicly available catalogues. For
COSMOS, this was the S-COSMOS survey (Sanders et al. 2007), for XMM-LSS
it was the Spitzer Wide-area Infra-Red Extragalactic survey (SWIRE; Lonsdale
et al. 2003), and for GOODS-N, the IR was part of the original survey (Giavalisco
et al. 2004). Aperture and PSF effects were accounted for in the photometry by
the creators of the catalogs.
The GalMC SED fitting code uses the stellar population models of Bruzual
& Charlot (2003) that were updated in 2007 to incorporate improved models of
thermally pulsing stars on the asymptotic giant branch (TP-AGB) (Charlot &
Bruzual 2010, private communication). A constant star formation history (SFH)
was assumed, along with a Salpeter (1955) initial mass function (IMF) (with ML
= 0.1 M and MU = 100 M ), and a Calzetti extinction law (Calzetti et al.
2000). Nebular emission, both in the continuum and for lines, was included in
proportion to the rate of H-ionizing photons, with the relative line intensities
of H, He, C, N, O and S being a function of metallicity (see Acquaviva et al.
2011 for further detail). The metallicity was fixed at solar. The Lewis & Bridle
(2002) GetDist program from the publicly available CosmoMC software was used
to analyze the chains output by GalMC and test for convergence via the Gelman
& Rubin (1992) R statistic. The criterion employed here is R − 1 < 0.2, as
prescribed by Acquaviva et al. (2011). Additionally, seven objects with fewer than
five photometric bands were excluded from the sample in order to ensure robust
SED fits. The parameters obtained from the SED fitting were stellar mass, age
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Table 3.1. SED Fitting Photometric Bands
Field

Filter

Telescope

Instrument

λc (Å)

5σ Limit (AB)

XMM-LSS

FUV
NUV
u∗
g0
r0
i0
z0
Channel 1
Channel 2
FUV
NUV
B
g0
i0
z0
FUV
NUV
u∗
B
V
r0
i0
z0
K
Channel 1
Channel 2
FUV
NUV
U
B
V
r0
i0
z0
H + K0
Channel 1
Channel 2

GALEX
GALEX
CFHT
CFHT
CFHT
CFHT
CFHT
Spitzer
Spizter
GALEX
GALEX
Calar Alto 3.5-m
Calar Alto 3.5-m
Calar Alto 3.5-m
Calar Alto 3.5-m
GALEX
GALEX
CFHT
Subaru
Subaru
Subaru
Subaru
Subaru
CFHT
Spitzer
Spitzer
GALEX
GALEX
Mayall
Suubaru
Subaru
Subaru
Subaru
Subaru
UH 2.2-m
Spitzer
Spitzer

FUV Detector
NUV Detector
MegaPrime/MegaCam
MegaPrime/MegaCam
MegaPrime/MegaCam
MegaPrime/MegaCam
MegaPrime/MegaCam
IRAC
IRAC
FUV Detector
NUV Detector
LAICA
LAICA
LAICA
LAICA
FUV Detector
NUV Detector
MegaPrime/MegaCam
Suprime-Cam
Suprime-Cam
Suprime-Cam
Suprime-Cam
Suprime-Cam
WIRCam
IRAC
IRAC
FUV Detector
NUV Detector
MOSAIC
Suprime-Cam
Suprime-Cam
Suprime-Cam
Suprime-Cam
Suprime-Cam
QUIRC
IRAC
IRAC

1528
2271
3740
4870
6250
7700
8900
37440
44510
1528
2271
4200
4900
7700
9200
1528
2271
3740
4788
5730
6600
7850
8700
21400
37440
44510
1528
2271
4065
4788
5730
6600
7850
8700
20200
37440
44510

24.8
24.4
25.2
25.5
25.0
24.8
23.9
23.9
23.3
24.8
24.4
26.4
∼25.9
∼24.3
∼24.1
24.8
24.4
26.5
27.4
27.2
26.9
26.9
25.6
23.6
23.9
23.3
24.8
24.4
27.1
27.4
27.2
26.9
26.9
25.6
22.1
23.9
23.3

MUNICS

COSMOS

GOODS-N
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Table 3.2. Median Logarithmic Galaxy Parameters by Redshift Bin
Redshift

Mass (M∗ /M )

SFR (M∗ /M yr−1 )

sSFR (yr−1 )

0 < z < 0.35
0.35 < z < 0.45
0.45 < z < 0.57
Total

9.139.96
8.29
10.17
9.378.64
10.22
9.118.63
10.08
9.208.45

0.60
0.002−0.61
0.92
0.530.10
1.24
0.700.15
0.98
0.38−0.11

−9.13−8.29
−9.91
−8.10
−8.9−9.55
−8.56−7.93
−9.35
−8.95−8.10
−9.66

Note. — The upper and lower bounds correspond to the 84th and 16th
percentiles of the distributions.

since the onset of star formation, and reddening.
It is important to consider how much the results of the SED fits depend on the
input models and parameters. Conroy (2013) states that the stellar mass is the
most robust parameter that can be found with SED fitting techniques. He notes
that generally, stellar mass can vary by ∼ 0.3 dex for star-forming galaxies, depending on the SFH chosen, and by as much as 0.6 dex in extreme cases. Acquaviva
et al. (2011), however, state that when testing the robustness of GalMC, the choice
of a constant star formation history does not result in significant differences compared to using exponentially increasing or decreasing SFHs. Additionally, Pirzkal
et al. (2012) found that the choice of IMF and stellar population model using the
MCMC SED fitting algorithm πMC2 resulted in parameter variation of a factor
of a few. Metallicity estimates from SED fitting are uncertain at best, as stars of
varying metallicities contribute to the overall metallicity of the galaxy in different
ways at different times (Acquaviva et al. 2011). Fixing the metallicity at solar
can affect the derived ages by up to 0.5 dex, but, more importantly, affects the
stellar mass by only ±0.1 dex (Wuyts et al. 2009). This falls easily within the
mass error estimates. Therefore, while the analysis presented here may contain
some systematic offsets from the actual values, the trends will remain the same.
The median masses resulting from the SED fitting divided by redshift bin are
given in Table 3.2, and the full results of the mass SED fitting are given in Table 3.3.
A sample fit for a COSMOS [O II] emitter (z = 0.32) is given in Figure 3.1.
Figure 3.2 shows the two-dimensional confidence contours of the various parameters
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output by the SED fitting algorithm for the same galaxy. For the purposes of
this work, the stellar mass (M∗ ) is the important parameter. The stellar mass
distribution of the HPS [O II] emitters is shown in Figure 3.3, where the masses
have been divided into redshift bins. As indicated by the cumulative probability
distributions, the mass distribution is fairly consistent across the entire redshift
range, demonstrating the ability of an emission-line selected survey to detect low
mass galaxies at higher redshifts.
Table 3.3: [O II] Emitters’ Physical Parameters
HPS ID

log(M∗ /M )

log(SFR) (M yr−1 )

E(B-V)

za

1
2
7
8
9
10
12
14
15
16
19
20
21
23
24
26
29
31
32
33
35
40
41

9.566
9.708
8.715
9.966
8.419
8.352
10.022
8.235
8.834
9.142
10.847
9.143
9.583
9.389
8.082
9.438
9.298
8.955
9.923
9.742
9.765
9.765
9.216

-0.1026
0.2954
0.7933
0.2098
0.3534
0.3602
-0.148
0.4956
0.605
-0.3279
1.7597
0.5165
0.0955
-0.4166
-0.6146
1.5067
0.492
0.6241
0.9834
0.2279
0.4603
0.2396
-0.0212

0.037
0.21
0.243
0.003
0.204
0.224
0.279
0.216
0.3
0.089
0.477
0.116
0.185
0.151
0.088
0.409
0.491
0.221
0.515
0.042
0.223
0.14
0.357

0.4
0.462
0.385
0.562
0.466
0.29
0.18
0.305
0.32
0.315
0.463
0.553
0.462
0.218
0.232
0.432
0.16
0.458
0.462
0.465
0.084
0.464
0.224
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Table 3.3 – Continued
HPS ID

log(M∗ /M )

log(SFR) (M yr−1 )

E(B-V)

za

42
44
45
46
47
48
49
50
55
56
57
58
59
60
61
63
64
65
67
69
80
83
87
90
94
96
98
100
101
102
103

10.08
8.74
9.839
9.794
10.316
10.347
9.964
10.874
9.262
10.074
9.722
11.188
10.716
11.784
10.429
10.273
9.415
10.963
9.67
10.355
9.42
10.287
9.719
9.292
10.217
9.982
9.964
10.837
9.87
8.97
9.93

0.4581
-0.7672
0.3755
0.7897
0.418
0.8519
0.6262
0.7398
-0.1
0.2327
0.6014
0.921
0.7997
1.6826
0.5019
0.8142
0.0023
0.8933
-0.5375
1.3832
0.2536
0.6223
0.2834
0.1162
1.2402
0.5349
0.2452
0.9906
0.2086
0.2593
0.2548

0.292
0.089
0.237
0.228
0.019
0.046
0.265
0.483
0.132
0.032
0.212
0.283
0.447
0.638
0.377
0.339
0.155
0.503
0.202
0.46
0.156
0.342
0.212
0.136
0.092
0.269
0.265
0.475
0.244
0.1
0.258

0.236
0.119
0.372
0.372
0.534
0.523
0.369
0.367
0.412
0.425
0.272
0.372
0.371
0.477
0.334
0.427
0.273
0.112
0.112
0.523
0.322
0.372
0.357
0.279
0.547
0.391
0.291
0.364
0.283
0.425
0.357
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Table 3.3 – Continued
HPS ID

log(M∗ /M )

log(SFR) (M yr−1 )

E(B-V)

za

105
108
110
113
118
119
120
121
123
125
128
129
130
132
133
135
136
137
138
143
146
147
149
151
152
155
156
157
158
163
165

7.554
10.171
10.084
9.996
9.009
9.519
10.7
10.001
10.287
10.284
9.84
8.753
10.314
9.683
9.94
8.978
8.938
9.115
9.13
8.146
9.063
9.184
9.607
8.944
10.22
9.116
10.289
10.697
9.171
8.944
8.61

-0.7358
0.8305
0.7354
0.6083
-0.8667
0.0504
1.1536
0.1395
1.4088
0.3778
0.4866
-0.6231
0.7803
0.8189
-0.0353
-0.2832
-0.123
-0.0985
-0.7505
0.2316
-0.1065
0.0144
-0.0715
0.8476
0.8601
0.1529
-0.0943
0.2668
-0.9092
0.9427
-0.6756

0.088
0.314
0.293
0.273
0.103
0.173
0.443
0.274
0.342
0.3
0.238
0.064
0.349
0.204
0.26
0.1
0.097
0.113
0.012
0.153
0.145
0.121
0.059
0.331
0.464
0.377
0.097
0.168
0.12
0.367
0.088

0.109
0.371
0.412
0.412
0.107
0.112
0.392
0.373
0.455
0.112
0.349
0.138
0.283
0.428
0.237
0.292
0.269
0.25
0.103
0.236
0.308
0.217
0.34
0.438
0.267
0.326
0.282
0.25
0.093
0.373
0.219
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Table 3.3 – Continued
HPS ID

log(M∗ /M )

log(SFR) (M yr−1 )

E(B-V)

za

166
167
169
170
171
173
175
176
177
178
179
180
181
185
186
188
191
192
193
195
198
199
200
201
202
203
204
206
208
209
211

8.518
9.786
9.37
9.274
8.078
9.057
9.587
8.909
9.124
8.279
8.248
7.646
9.367
8.197
8.784
9.732
8.717
8.442
9.445
8.769
9.397
8.285
8.893
8.441
8.896
9.807
9.614
9.205
9.147
8.868
8.457

0.7353
0.7831
0.4107
0.3035
-0.1033
0.5319
0.4552
0.7859
0.0498
-0.0499
-0.5142
-0.7116
0.2399
-0.7585
-0.0187
0.4796
0.9958
0.0088
0.3436
-0.1051
-0.3804
0.2163
1.9219
1.0854
0.7516
-0.2982
1.3445
-0.9815
-0.2419
0.2932
0.1645

0.358
0.443
0.274
0.426
0.131
0.297
0.264
0.23
0.114
0.088
0.088
0.088
0.177
0.088
0.09
0.261
0.288
0.135
0.144
0.165
0.029
0.318
0.84
0.312
0.268
0.219
0.574
0.124
0.212
0.281
0.183

0.373
0.344
0.262
0.282
0.283
0.38
0.282
0.491
0.381
0.472
0.344
0.379
0.275
0.186
0.186
0.378
0.477
0.313
0.479
0.217
0.265
0.208
0.562
0.504
0.428
0.186
0.345
0.217
0.186
0.187
0.438
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Table 3.3 – Continued
HPS ID

log(M∗ /M )

log(SFR) (M yr−1 )

E(B-V)

za

212
215
216
217
218
219
224
225
228
230
232
233
235
237
238
243
245
246
247
248
250
252
254
255
257
259
260
264
265
268
270

8.451
11.176
9.302
9.261
9.559
10.378
9.936
8.386
9.496
8.186
9.477
9.753
10.478
8.028
10.84
8.966
8.477
8.471
8.42
10.442
8.091
10.116
8.795
8.5
9.085
9.21
8.254
9.247
9.572
9.489
8.774

-0.1239
0.609
0.3477
1.4568
0.658
0.164
1.1195
0.1454
1.5646
0.7722
1.4703
0.8961
-0.0595
-0.7959
0.3351
-0.0737
0.4308
-0.5475
0.0465
1.0642
-0.0451
1.7124
0.4182
-0.4759
-0.3381
0.3618
-1.0227
0.9021
1.083
0.7545
0.2787

0.088
0.548
0.205
0.41
0.295
0.205
0.474
0.42
0.64
0.275
0.438
0.313
0.389
0.214
0.116
0.151
0.218
0.088
0.406
0.38
0.239
0.443
0.23
0.092
0.284
0.278
0.146
0.445
0.482
0.401
0.209

0.479
0.222
0.28
0.438
0.36
0.123
0.502
0.124
0.476
0.427
0.381
0.312
0.132
0.123
0.361
0.32
0.533
0.301
0.185
0.372
0.373
0.44
0.429
0.236
0.283
0.529
0.106
0.358
0.249
0.28
0.525
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Table 3.3 – Continued
HPS ID

log(M∗ /M )

log(SFR) (M yr−1 )

E(B-V)

za

271
272
275
276
278
282
284
285
289
290
291
293
294
295
297
298
299
300
301
302
303
305
307
308
317
319
320
321
322
326
328

9.377
8.57
8.369
8.271
8.704
9.555
10.28
9.183
9.31
10.859
9.755
8.018
9.007
9.789
9.305
9.526
8.171
8.429
9.734
9.036
9.551
9.31
9.578
8.291
8.391
9.567
8.989
9.19
10.535
9.093
8.975

0.0482
0.737
-0.2738
-0.6837
-0.3095
0.4136
0.618
0.6291
0.1389
1.014
0.4077
-0.0468
0.6688
0.0775
0.9534
0.3786
-0.3733
-0.5224
0.5551
0.2877
-0.7342
0.3911
1.2824
0.7238
0.6971
1.3481
2.0194
0.473
0.6197
-0.2515
0.6952

0.385
0.319
0.088
0.221
0.088
0.229
0.423
0.144
0.138
0.267
0.217
0.082
0.165
0.358
0.418
0.365
0.088
0.212
0.215
0.222
0.087
0.191
0.565
0.274
0.304
0.493
0.695
0.34
0.403
0.196
0.278

0.219
0.471
0.248
0.187
0.123
0.321
0.301
0.44
0.405
0.476
0.359
0.353
0.372
0.195
0.263
0.36
0.208
0.116
0.441
0.412
0.145
0.325
0.441
0.509
0.478
0.441
0.462
0.343
0.357
0.122
0.471
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HPS ID

log(M∗ /M )

log(SFR) (M yr−1 )

E(B-V)

za

329
330
331
332
333
335
336
337
340
342
343
344
345
346
347
348
349
350
351
352
353
354
355
356
357
358
359
361
363
368
375

10.221
8.109
10.694
8.619
10.013
8.868
9.371
8.364
8.292
8.599
10.432
8.348
8.649
8.972
10.287
9.284
9.204
10.509
9.393
8.336
8.068
9.699
8.12
8.632
9.46
9.629
9.34
9.303
9.05
9.033
8.812

1.2063
-0.638
0.7161
0.6009
-0.189
1.1865
0.6395
0.0636
0.0883
0.6871
0.8116
0.2881
0.4969
0.3703
0.9398
0.8411
0.1837
0.4423
1.4485
-0.0587
-0.0356
0.9844
0.3154
0.5054
0.9898
0.3217
1.026
0.5668
-0.0808
0.469
0.5145

0.326
0.088
0.441
0.313
0.283
0.424
0.226
0.134
0.321
0.411
0.378
0.221
0.393
0.177
0.382
0.418
0.301
0.313
0.493
0.088
0.35
0.367
0.2
0.101
0.452
0.287
0.327
0.138
0.264
0.187
0.386

0.51
0.185
0.441
0.286
0.207
0.285
0.337
0.437
0.156
0.337
0.473
0.397
0.455
0.345
0.457
0.399
0.275
0.458
0.484
0.562
0.23
0.557
0.253
0.529
0.457
0.438
0.457
0.528
0.136
0.459
0.079
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E(B-V)
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380
381
382
386
388
390
392
393
394
396
397
398
399
404
405
406
413
414
416
417
418
421
422
423
424
425
427
431
432
433
435

9.027
9.064
8.992
8.454
9.458
9.106
9.514
8.892
8.17
9.466
8.979
8.811
8.563
9.14
8.686
8.966
8.192
8.437
9.192
8.612
9.745
9.167
8.896
8.623
10.288
8.921
8.803
9.237
8.103
8.681
10.123

1.5097
0.8063
0.2992
-0.0541
0.8503
0.7795
1.3265
0.9393
0.6886
1.1354
-0.0766
-0.4902
0.3659
0.7153
0.1679
0.5266
0.4081
-0.2653
0.6361
1.1184
0.4997
1.1987
1.0743
0.0496
1.3551
0.6003
0.1493
0.2647
0.1657
-0.2988
-0.1116

0.484
0.484
0.314
0.275
0.429
0.317
0.498
0.375
0.582
0.157
0.101
0.065
0.373
0.33
0.182
0.27
0.249
0.088
0.122
0.433
0.458
0.466
0.424
0.154
0.666
0.301
0.129
0.25
0.197
0.088
0.256

0.459
0.483
0.462
0.089
0.433
0.533
0.454
0.55
0.201
0.556
0.44
0.455
0.321
0.321
0.423
0.534
0.139
0.458
0.475
0.475
0.475
0.474
0.474
0.321
0.41
0.201
0.518
0.358
0.32
0.4
0.254
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Table 3.3 – Continued
HPS ID

log(M∗ /M )

log(SFR) (M yr−1 )

E(B-V)

za

438
439
440
441
442
443
444
449
450
451
452
454
458
459
460
463
465
468
469
470
471
472
473
475
476
477
479

8.429
8.678
9.019
9.207
8.696
9.095
9.073
8.655
9.105
9.963
8.987
8.402
9.558
7.896
9.088
9.245
8.049
8.814
10.267
9.608
9.784
9.078
9.294
9.091
8.637
9.86
10.464

-0.8409
1.2872
0.0631
1.1272
-0.0857
0.2826
0.0375
-0.602
-0.1851
0.3014
0.6471
0.2571
0.3227
0.0967
0.7113
0.764
0.2817
0.6725
1.1444
1.2423
1.269
-0.004
-0.059
0.0581
0.5452
0.8357
0.0966

0.173
0.628
0.14
0.338
0.088
0.237
0.135
0.2
0.015
0.265
0.421
0.093
0.323
0.114
0.285
0.3
0.236
0.231
0.287
0.434
0.546
0.273
0.136
0.176
0.283
0.304
0.025

0.105
0.546
0.562
0.474
0.32
0.32
0.511
0.089
0.515
0.423
0.41
0.512
0.136
0.322
0.475
0.41
0.387
0.557
0.423
0.562
0.411
0.483
0.475
0.41
0.412
0.299
0.523

a

Redshifts as reported in Adams et al. (2011)
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Figure 3.1: A typical SED fit plotted with the photometry of an [O II] emitter
(z = 0.32) from the COSMOS field. The blue circles are the observed flux densities,
the red triangles are the fitted SED flux densities, and the black line is the SED
fit.

3.3 Internal Extinction
Accurate determination of the the internal extinction in each galaxy is necessary
to get reliable measurements of its [O II]-based star formation rate . Ideally, the
extinction can be calculated directly from the Balmer decrement. Unfortunately,
the HPS spectral range does not include Hα, and the wavelength baseline between
Hβ and the other (weaker) Balmer lines is insufficient for our purpose. We therefore
must rely on stellar-based reddening estimates; specifically, the rest-frame UV
continuum slope β. Between 1250 Å and ∼ 2800 Å, the intrinsic slope of a starforming galaxys continuum can be well-fit via a power law where fλ ∝ λβ . Using
the GALEX FUV and NUV bands, and in some cases the u∗ or U (depending on
the field) we calculated β for 215 galaxies in the sample. Any flattening of this
relation is most likely due to extinction, with the relationship between β and dust
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Figure 3.2: Two-dimensional confidence levels for the parameters obtained from
the SED fit for the same galaxy as in Figure 3.1. The black contours indicate
the 68% and 95% confidence regions, while the color gradient is based on average
likelihood. The colors follow the likelihood of the two parameters plotted, while
the black contours indicate the probability distribution weighted by the parameters
not represented in the plot. For flat priors, lack of exact overlap indicates that
the posterior distribution is non-Gaussian; in this case, the contours also show a
bi-modal probability distribution. The axes of these ellipse-like curves indicate
degeneracies. Galaxy mass is defined as the integral of the instantaneous star
formation over the lifetime of the galaxy, while stellar mass takes into account
mass loss and stellar lifecycles, and is the parameter used throughout this analysis.
extinction (Meurer et al. 1999) given by
A1600 = 4.43 + 1.99β
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(3.1)
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Figure 3.3: Distribution of the stellar masses of the HPS [O II] emitters in three
redshift bins. The black line is the cumulative probability distribution. See Table 3.2 for the median masses in each redshift bin.
This assumes an intrinsic UV spectral slope of β0 = -2.23, consistent with a constantly star-forming population. The reddening is then simply
Es (B − V ) = A1600 /k1600

(3.2)

where Es (B − V ) is the color excess of the stellar continuum and k1600 = 9.97 is
the value of the reddening curve at 1600 Å, as given by Calzetti et al. (2000).
The other 69 galaxies lacked sufficient photometry in the UV for their redshifts
to do a robust UV slope calculation. In this case, we employed the mass-extinction
relationship of Garn & Best (2010). Using Data Release 7 of the Sloan Digital Sky
Survey (SDSS), they modeled the dependency of extinction on mass as
AHα = 0.91 + 0.77X + 0.11X 2 − 0.09X 3

(3.3)

where X = log(M∗ /1010 M ). This relation is only valid over a specific stellar
mass range; for the thirteen galaxies below 108.5 M for which we do not have
UV slope measurements, we assume an E(B − V ) set to the minimum reddening
defined by the relation in Equation 3. We then employ Equation 2 to determine
E(B − V ) using the appropriate reddening curve. This relation between stellar
mass and dust has been shown to be valid out to z ∼ 1.6 (Zahid et al. 2014).
Finally, the entire sample was corrected for extinction using the Calzetti et al.
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(2000) extinction law
Fi (λ) = Fo (λ)100.4Es (B−V )k(λ)

(3.4)

Note that Es (B − V ) is related to the color excess of the nebular emission lines,
such as [O II], by
Es (B − V ) = 0.44E(B − V )
(3.5)
(Calzetti et al. 2000)

3.4 Star Formation Rates
There has been extensive discussion in the literature about the “main sequence”
of star-forming galaxies, i.e., the correlation between a galaxy’s SFR and its stellar
mass (e.g., Noeske et al. 2007). Both the slope and, more strongly, the normalization of the sequence has also been shown to evolve with redshift (Whitaker et al.
2012).
The SFRs for the HPS [O II] emitters were calculated using the [O II] λ3727
Kewley et al. (2004) relation
SFR([O II])(M yr−1 ) = (6.53 ± 1.65) × 10−42 L([O II]) (ergs s−1 )

(3.6)

where L([O II]) is the galaxy’s [O II] luminosity.
The distribution of the SFRs of the galaxies in our sample is given in Figure 3.4.
The median SFRs of the [O II] emitters are given in Table 3.2. The evolution of star
formation with redshift for the [O II] emitters is presented in Figure 3.5, partially
reflecting the changing luminosity limit of the survey. However, after taking this
into account, there is a clear relationship between the SFR of the galaxies and their
redshifts, with the star formation tending to decrease at lower redshifts. Figure 3.6
compares the SFR and mass of the HPS [O II] emitters.
Previously, Noeske et al. (2007) and Pirzkal et al. (2013) have examined the
main sequence of star-forming galaxies at slightly higher redshifts. Noeske et al.
(2007) analyzed a magnitude-limited set of star-forming galaxies from the Extended Groth Strip (AEGIS), probing galaxies of high mass within a redshift range
of 0.2 < z < 1.1 using Spitzer (MIPS) 24 µm imaging as well as Hα, Hβ, and
[O II] emission lines. Similarly, Pirzkal et al. (2013) studied emission-line galaxies
(ELGs) from the GOODS-N and -S fields as part of the Probing Evolution And
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Figure 3.4: Distribution of the HPS [O II] SFRs calculated via their [O II] line
luminosities in three redshift bins. The black line is the cumulative probability
distribution. See Table 3.2 for the median SFRs in each redshift bin. The shifting
distribution shows a clear evolution of the high star formation end of this function.
Reionization Spectroscopically (PEARS) survey. This slitless grism survey identified Hα, [O III], and [O II] in the redshift ranges of 0 < z < 0.5, 0.1 < z < 0.9,
and 0.5 < z < 1.5, respectively. It should be noted that in their determination
of stellar mass via SED fitting, Pirzkal et al. assumed a constant SFH, as was
assumed in this survey, while Noeske et al. used an exponentially decreasing SFH.
Figure 3.7 compares these data to our own measurements to show the progression
of the star formation sequence. The addition of the HPS [O II] emitters extends
the galaxy star-forming main sequence of galaxies down to low redshifts, allowing
for comparison of SFRs over a broad range of masses and redshifts. As with the
other galaxies, the [O II] emitters show an evolution of SFR with redshift that is
consistent with a galactic SFR evolution along the main sequence of star-forming
galaxies.
To determine the intrinsic slope and scatter of the main sequence, we must make
mass cuts to account for incompleteness in the star formation rates. This is an
expected characteristic of an emission-line selected sample: while the underlying
distribution may have a given slope, if a sample is limited by the SFRs of the
galaxies, the apparent shape of the SFR-M∗ relation will be skewed flatter than
that for an unbiased sample. Conversely, a mass-selected sample, such as the
AEGIS survey, will produce a steeper slope. To address this, we performed mass
cuts in the four redshift bins represented in Figure 3.6 by implementing an iterative
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Figure 3.5: Evolution of the SFRs of the HPS [O II] emitters as a function of
redshift, color coded by mass. The black line represents the detection limit as
a function of redshift, where 80% of the survey frames have 5σ detection limits
brighter than this threshold. The prominent [O I] airglow feature at 5577 Å at
z ∼ 0.5 is clearly visible. The crosses are possible AGN candidates due to their
bright X-ray emission. The representative SFR error bar is shown.
algorithm using the slope and scatter of distribution to determine where the cuts
should be made. For z < 0.2, we made no cuts, as we expect the data are essentially
complete at this low redshift. For 0.2 < z < 0.35, we invoked a mass cut at 108.2
M , for 0.35 < z < 0.45 we used 109.1 M , and for the highest redshift bin of
0.45 < z < 0.57 we used 109.7 M . Because this is an emission line-selected
sample, and care was taken to ensure robust photometry for all objects included,
after performing the mass cuts, the resulting sample is complete in both SFR and
mass in the given redshift ranges.
The dispersion in the star formation sequence of the HPS [O II] emitters is
about σMS ∼ 0.50 dex, about 1.5 times as large as some other surveys (e.g., Noeske
et al. 2007; Whitaker et al. 2012). Because our observations included just the [O II]
line, our SFRs do not take into account variations in abundance and ionization
state. This undoubtedly exacerbates the scatter in our star-forming main sequence
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Figure 3.6: SFR vs. stellar mass for the HPS [O II] emitters. The crosses are
possible AGN candidates due to their bright X-ray emission. Representative error
bars are shown. The open circles represent galaxies below the stellar masses where
SFR become incomplete in each redshift bin.
by as much as 0.15 dex (Lara-López et al. 2013). Yet another source of additional
scatter is the sequence comes from invoking Garn & Best (2010) in the calculation
of some E(B − V ), which can add up to ∼ 0.28 dex in scatter. Finally, because our
emission-line selected survey is sensitive to galaxies with lower SFRs, it is more
prone to scatter in the star formation sequence, especially at lower masses. The
larger (σMS ∼ 0.45 dex) dispersion seen in the grism data of Pirzkal et al. (2013)
supports this interpretation. Additionally, Bauer et al. (2013) used Hα luminosities
to determine the SFR of the ∼ 73, 000 galaxies with redshifts of 0.05 < z < 0.32 in
the emission-line selected Galaxy And Mass Assembly (GAMA) survey, and found
significant scatter in the main sequence, up to ∼ 1 dex in the highest mass bin.
The slope of this main sequence is somewhat shallower than comparable studies
for the [O II] emitting galaxies with redshift z < 0.5. A linear fit for the HPS
sample produces
log(SFR)(M yr−1 ) = (0.47 ± 0.05) log(M∗ /M ) − (4.10 ± 0.49)
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(3.7)
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Figure 3.7: SFR vs. stellar mass for the HPS [O II] emitters, as well as the Noeske
et al. (2007) and Pirzkal et al. (2013) median values. The darker blue circles
represent the HPS galaxies and the dark blue crosses are the possible AGN in the
sample. The green circles are the Pirzkal et al. median values, and the light blue
circles are the Noeske et al. median values. The light blue and green dash-dotted
lines show ±1σ of the median values shown. The darker blue dashed line represents
the 80% completeness limit for the middle redshift of each plot. The red solid line
is taken from Lara-López et al. (2013) and denotes the M∗ -SFR relation for local
galaxies up to z ∼ 0.1, and the red dash-dotted lines are ±1σ of that relation.
This relation is included in the higher redshift bins only to guide the eye.
over the entire mass range in this sample. Noeske et al. (2007a) report a fit of
log(SFR)(M yr−1 ) = (0.67 ± 0.08) log(M∗ /M ) − (6.19 ± 0.78)

(3.8)

for M∗ between 1010 and 1011 M in the redshift range 0.2 < z < 0.7. For the
local universe, data from the Sloan Digital Sky Survey-Data Release 7 (SDSS-DR7)
yield
log(SFR)(M yr−1 ) = 0.55 log(M∗ /M ) − 5.31
(3.9)
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with σ = 0.349 (Lara-López et al. 2013). Because the SDSS/GAMA survey includes galaxies with z ≤ 0.1 and the AEGIS sample (Noeske et al. 2007) is in the
range z = 0.2 − 0.7, we would expect the HPS sample to fall in the same general
category of slope and normalization. However, our galaxies have a slightly flatter
slope; this could partly be due to the fact that HPS is an emission-line selected survey, meaning that the SFR-M∗ parameter space being explored is slightly different
than the ones detected by continuum-selected surveys.
What is more likely affecting the slope of the main sequence, however, is that, as
stated previously, the [O II] star formation rate indicator is sensitive to metallicity,
something we are not able to measure individually with the HPS data. However,
if we adopt a mass-metallicity relationship, we can estimate the effect that abundance shifts have on the slope. Lara-López et al. (2013) give a mass-metallicity
relationship of
12 + log(O/H) = −10.8297 + 3.6478 log(M∗ /M ) − 0.16706 log(M∗ /M )2 (3.10)
This law, and the Kewley et al. (2004) relationship between SFR, [O II] luminosity,
and metallicity
7.9 × 10−42 L([O II]) (ergs s−1 )
(−1.75 ± 0.25)[12+log(O/H)] + (16.73 ± 2.23)
(3.11)
give the modified SFRs shown in Figure 3.8. Including a rough estimate of the
metallicity moves the higher mass galaxies to larger SFRs and the lower mass
galaxies to lower SFRs, steepening the slope to
SFR([O II], Z)(M yr−1 ) =

log(SFR)(M yr−1 ) = (0.68 ± 0.05) log(M∗ /M ) − (6.21 ± 0.50)

(3.12)

This is on par with what has been found in previous studies (e.g., Noeske et al.
2007; Whitaker et al. 2012), and illustrates the importance of metallicity to the
[O II] star formation rate indicator.
Figure 3.7 confirms the results of Noeske et al. (2007) and Whitaker et al. (2012)
on the evolution of the main sequence, as the entire main sequence appears to shift
downwards with redshift. The normalization of the main sequence decreases by
almost a factor of two from the highest redshift bin (median z ∼ 0.51) to the lowest
(median z ∼ 0.1).
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Figure 3.8: Median SFR vs. stellar mass for the HPS [O II] emitters. The black
circles represent the median SFRs in evenly-spaced mass bins, calculated without
the metallicity correction to the [O II] SFR indicator. The green circles shows
the median SFRs calculations that include a rough estimate of metallicity. The
corresponding dash-dotted lines give the best linear fits to the data. The error
bars represent the uncertainty of the medians. Inclusion of the metallicity in the
SFR calculation drives the sequence to a steeper slope.
Another way to describe star formation in a galaxy is through its mass specific
SFR (sSFR), which represents the time needed to build up the current stellar mass
of the galaxy at its present day SFR (Pirzkal et al. 2013). The sSFR of galaxies has
been shown at all redshifts to decrease as stellar mass increases (e.g., Bauer et al.
2005). Figure 3.9 shows the distribution of the [O II] emitters’ sSFRs calculated
via their [O II] line luminosities. The median sSFRs per redshift bin are given in
Table 3.2. The distribution of the HPS [O II] emitters shifts to larger sSFRs as
redshift increases, indicating that galaxies at higher redshifts are more efficient at
producing stars, as shown in Figure 3.10. There is a trend for the more massive
galaxies to be formed at higher redshifts and over a short timescales (Cowie et al.
1996), but by z ∼ 0.5, their sSFR has decreased. At that time, the lower mass
galaxies have begun their (relatively) later onset of star formation, indicating that
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Figure 3.9: Distribution of the HPS [O II] emitter sSFRs calculated via their [O II]
line luminosities. The black line is the cumulative probability distribution. See
Table 3.2 for the median sSFRs in each redshift bin.
they have formed the bulk of their stars more recently but on longer evolutionary
timescales. These data are consistent with the concept of downsizing as described
by Cowie et al., where there is a smooth evolution downwards with redshift in the
masses of star-forming galaxies.

3.5 Equivalent Widths
Figure 3.11 plots the [O II] rest-frame equivalent widths (EWs) for the HPS
galaxies. As found in other surveys (e.g. Fumagalli et al. 2012) there is a weak
anti-correlation between EW and stellar mass. In the lowest mass bin, the median
rest-frame equivalent width is three times greater than that in the highest mass
bin. For comparison, Fumagalli et al. found a factor of five shift in the EWs of Hα
between the mass bins of 10.0 < log M/M < 10.5, and log M/M > 11.0. The
two measurements are not directly comparable, since, in addition to being in the
redder range of the spectrum, the Hα data were accumulated over a larger redshift
range. Nevertheless, the data do confirm the trend that emission-line equivalent
widths in higher-mass galaxies are generally factors of several lower than those
in lower-mass objects. Since the equivalent width of [O II] is an indicator of the
relative strength of star formation (Gilbank et al. 2010; Ciardullo et al. 2013), this
trend is another reflection of the star-forming galaxies main sequence.
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Figure 3.10: sSFR vs. M∗ for the HPS [O II] emitters. The diagonal black dotted
lines are loci of constant star formation with values 0.01, 1, and 100 M yr−1 , from
bottom to top. The crosses are possible AGN candidates due to their bright X-ray
emission. Representative error bars are shown. The open circles represent galaxies
below the stellar masses where SFR become incomplete in each redshift bin.

3.6 Morphologies
The HPS observations were conducted in regions of the sky with extensive ancillary data. In particular, in the COSMOS and GOODS-N regions, deep imaging
data are available from the Hubble Space Telescope Advanced Camera for Surveys
(ACS). These data allow us to characterize the morphology and size of the HPS
[O II] emitters via the Gini (G) and M20 coefficients (Lotz et al. 2004). To do
this, we chose to use data in the F814W filter, as it is the only filter common to
both the COSMOS (Scoville et al. 2007) and GOODS-N (Giavalisco et al. 2004)
programs.
The G coefficient represents the distribution of the flux values over the galaxy’s
pixels, and is thus similar to the concentration parameter C (e.g. Abraham et al.
1994; Bershady et al. 2000; Conselice 2003)), which, loosely defined, is the ratio of
light between inner and outer isophotes of a galaxy. However, C is dependent on
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Figure 3.11: Rest equivalent widths of the HPS [O II] lines as a function of stellar
mass. The black dash-dotted lines are, from top to bottom, the 84th, 50th, and
16th percentiles in the given mass bins. The crosses are possible AGN candidates
due to their bright X-ray emission. Representative error bars are shown.
the spatial distribution of the light and is unable to differentiate between galaxies
with off-centered light concentrations and those with shallow light profiles. The
Gini coefficient is sensitive to concentrations of bright pixels no matter where in
the profile they occur, resulting in a more robust measure of concentration.
The M20 coefficient is defined as the second-order moment of the brightest 20%
of the flux of a galaxy. The second-order moment of flux (Mtot ) is calculated by
multiplying each pixel’s flux by the squared distance to the center of the galaxy,
and then summing over all the pixels:
Mtot =

n
X
i

Mi =

n
X

fi [(xi − xc )2 + (yi − yc )2 ]

(3.13)

i

where fi is the pixel flux and xc , yc is the center of the galaxy (Lotz et al. 2004).
Selecting the brightest 20% of the pixels results in a parameter that is sensitive to
the most important spatial distributions of the flux, such as multiple nuclei, bars,
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and star clusters. Therefore, M20 probes features indicative of star formation.
Gini and M20 are dependent on the noise and resolution of the images, and
are not reliable if the signal-to-noise per pixel drops below 2 (Lotz et al. 2004).
Hence, galaxies with hS/N i less than this (∼ 15% of the sample) were excluded
from our analysis. Additionally, G is only reliable to within ∼ 15% at resolution
scales better than 1000 pc while M20 begins to degrade around 500 pc. At the
HPS redshift limit for [O II] detection, the ∼ 0.05 arcseconds/pixel plate scale of
ACS corresponds to a resolution of ∼ 330 pc. Assuming a spatial resolution no
worse than ∼ 0.1 arcseconds, the highest redshift in our sample corresponds to a
∼ 650 pc resolution. Therefore, while M20 for the very highest redshift galaxies in
the sample may have some degradation above 15%, M20 and G coefficients should
still be for the most part reliable over the entire sample.
The morphology parameters of the COSMOS and GOODS-N [O II] emitters
were calculated using the Lotz et al. (2004) software, which uses SExtractor catalogues and segmentation maps. The distribution of these galaxies in G-M20 space is
plotted in Figure 3.12, and the results are tabulated in Table 3.4. Lotz et al. (2004)
have shown that active or merging galaxies tend to lie above a certain threshold
in G − M20 parameter space. Only a fraction of the [O II] emitters in this sample
fall above this threshold. Instead, the [O II] emitters fall largely within the region
of non-merging galaxies. Indeed, a cursory examination of HST ACS images of
the [O II] emitters confirms that most of these galaxies are not strongly distorted
or visibly interacting.
Table 3.4: [O II] Emitters’ Morphological Parameters and Sizes
HPS ID

G

M20

R50 (kpc)

143
146
147
149
151
152
155
158

0.56
0.49
0.47
0.5
0.51
0.55
0.59
0.56

-1.68
-1.5
-1.47
-1.72
-1.84
-1.97
-1.97
-2.0

0.862
2.177
2.32
1.406
2.041
2.83
1.178
0.674
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HPS ID

G

M20

R50 (kpc)

163
165
166
167
170
171
173
175
176
177
178
179
180
185
186
188
191
192
195
198
199
200
202
204
208
209
211
212
216
217
218

0.49
0.49
0.45
0.58
0.56
0.47
0.46
0.5
0.49
0.43
0.44
0.53
0.56
0.56
0.59
0.49
0.48
0.51
0.53
0.45
0.52
0.5
0.5
0.47
0.45
0.52
0.4
0.52
0.53
0.41
0.51

-1.44
-1.5
-1.34
-1.76
-2.09
-1.4
-1.46
-1.78
-1.36
-1.64
-1.58
-1.72
-1.9
-1.78
-1.81
-2.02
-1.53
-1.83
-1.49
-1.5
-1.27
-1.63
-1.91
-2.26
-1.57
-1.87
-1.35
-1.81
-1.66
-1.18
-1.82

2.778
2.23
3.705
1.905
0.981
0.855
3.436
1.664
2.418
2.503
1.656
0.684
0.935
1.028
0.935
4.203
3.57
1.422
3.902
2.326
2.143
1.231
2.518
5.432
2.991
3.004
1.928
2.028
2.292
6.294
3.924
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HPS ID

G

M20

R50 (kpc)

224
228
230
232
235
238
243
245
246
247
248
250
252
254
255
257
264
268
270
271
272
275
276
278
282
284
289
290
291
293
294

0.5
0.41
0.51
0.49
0.65
0.65
0.46
0.46
0.48
0.5
0.6
0.41
0.54
0.45
0.55
0.49
0.49
0.43
0.53
0.48
0.58
0.59
0.41
0.52
0.43
0.47
0.5
0.54
0.55
0.52
0.54

-1.68
-1.58
-1.66
-1.46
-2.46
-2.41
-1.65
-1.52
-1.38
-1.65
-1.87
-1.3
-1.65
-1.52
-1.65
-1.03
-1.9
-1.47
-1.63
-1.4
-1.75
-1.92
-1.29
-1.65
-1.48
-1.77
-1.59
-2.31
-1.81
-1.62
-1.88

2.386
4.814
3.017
4.849
1.69
3.628
2.514
4.733
2.411
2.42
1.49
2.007
8.358
2.689
1.573
2.566
4.812
3.183
1.252
2.867
1.536
0.544
1.877
1.525
3.359
4.554
1.299
5.884
1.808
0.596
2.62
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HPS ID

G

M20

R50 (kpc)

295
297
298
299
301
302
303
305
308
317
319
320
321
322
326
328
329
330
331
332
333
335
336
337
342
343
344
346
347
348
349

0.44
0.48
0.5
0.47
0.54
0.52
0.47
0.47
0.44
0.47
0.5
0.55
0.49
0.6
0.55
0.45
0.42
0.49
0.47
0.43
0.46
0.48
0.43
0.54
0.47
0.55
0.57
0.48
0.4
0.59
0.44

-1.62
-1.54
-2.22
-1.22
-1.5
-1.87
-1.18
-1.65
-0.91
-1.39
-1.84
-1.2
-1.51
-2.13
-1.99
-1.15
-1.43
-1.73
-1.49
-1.61
-1.72
-1.34
-1.4
-1.18
-1.76
-2.24
-1.66
-1.08
-1.74
-2.24
-1.64

2.717
1.948
7.395
1.735
3.928
1.422
2.211
3.81
4.067
1.549
2.733
2.397
2.779
1.551
3.094
2.659
7.402
0.745
4.27
4.653
2.745
5.157
2.168
2.095
4.048
4.62
1.177
3.817
4.88
1.77
2.137
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HPS ID

G

M20

R50 (kpc)

350
351
352
353
354
356
358
359
361
363
368
382
388
390
393
394
396
398
399
404
406
414
416
417
418
421
422
425
427
433
435

0.41
0.48
0.45
0.53
0.43
0.45
0.47
0.54
0.4
0.52
0.48
0.54
0.47
0.42
0.46
0.46
0.49
0.46
0.45
0.58
0.41
0.46
0.46
0.45
0.49
0.51
0.45
0.46
0.53
0.51
0.51

-1.51
-1.54
-0.97
-1.72
-1.34
-1.45
-1.41
-1.57
-1.25
-1.72
-1.54
-1.76
-1.78
-1.65
-1.41
-1.81
-1.34
-1.7
-1.57
-2.01
-1.39
-1.26
-1.53
-1.68
-1.33
-1.32
-1.26
-1.63
-1.24
-1.72
-1.58

6.108
2.099
2.333
1.874
5.613
4.904
2.722
1.394
2.638
2.673
4.368
0.643
2.422
3.787
2.372
2.286
3.094
2.956
3.919
1.679
5.496
1.047
3.74
2.672
1.722
3.38
3.024
3.578
2.239
0.86
3.442
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HPS ID

G

M20

R50 (kpc)

438
439
440
441
442
443
444
450
451
454
458
459
465
469
470
471
472
473
475
476
479

0.48
0.52
0.55
0.52
0.54
0.51
0.51
0.52
0.5
0.59
0.38
0.59
0.45
0.44
0.52
0.5
0.47
0.5
0.52
0.52
0.47

-1.5
-1.43
-1.16
-1.87
-1.64
-1.7
-1.66
-1.67
-1.02
-2.33
-0.6
-1.27
-1.5
-1.23
-1.72
-1.29
-1.37
-1.72
-1.65
-1.47
-1.61

0.809
1.022
1.879
4.269
1.117
4.05
2.408
2.604
2.0
1.669
3.251
2.057
2.843
3.167
9.332
1.092
0.959
2.197
2.945
3.938
2.625

This result is divergent from the results of Pirzkal et al. (2013), who found
that a significant fraction of the emission-line selected galaxies in their sample fell
above the line delineating quiescent from active galaxies. In particular, Figure 15
of Pirzkal et al. (2013) indicates that this effect is exaggerated for galaxies in which
Hα and [O III] lines were observed. It should be noted that Pirzkal et al. measured
their morphologies in the ∼ 4350 Å rest frame, while our measurements (and those
of Lotz et al. (2004)) were performed using the F814W filter, i.e., the rest frame R74
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Figure 3.12: Morphological parameters G and M20 for the [O II] emitters in the
COSMOS and GOODS-N fields. The delineation between galaxies with disturbed
morphologies and normal galaxies (black line) is taken from Lotz et al. (2004) and
is for reference purposes only. Representative error bars are adapted from Lotz
et al. (2006) and are typical for a hS/N i = 2.5 galaxy.
band. Morphological parameters can change depending on the image wavelength
(Taylor-Mager et al. 2007), but since both bands are redward of the 4000 Å break,
this effect is not likely to be large. Still, it is possible that the difference between
the [O II] galaxy samples are systematic. Additionally, despite the fact that the
galaxies found by the PEARS survey and HPS are both emission-line selected, at
any given redshift, the HPS galaxies extend to much higher masses (see Figure 3.7).
This may point to differing star-formation mechanisms at different masses, where
higher mass galaxies are more likely to be undergoing normal star formation while
lower mass galaxies are more likely to have disturbed morphologies.
While our [O II] emitters do not appear to be interacting, it is possible that
correlations between stellar mass and morphology exist. Figure 3.13 shows G
and M20 plotted as a function of both mass, SFR, and sSFR. Calculation of the
Pearson’s correlation coefficient (Pearson 1896) gives rSFR,M20 = −0.17, rSFR,G =
0.016, rM,M20 = −0.32, rM,G = 0.098, rsSFR,M20 = 0.18, and rsSFR,G = −0.083.
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Figure 3.13: Morphological parameters G and M20 plotted as a function of stellar
mass, SFR, and sSFR. Pearson’s correlation coefficient shows almost no significant
correlation between the values. Representative error bars are shown, with those
for G and M20 adapted from Lotz et al. (2006), and are typical for a hS/N i = 2.5
galaxy.
These indicate no significant correlations between these parameters.

3.7 Sizes
In addition to quantifying their morphologies, we also measured the PSFconvolved physical sizes of our [O II] emitters by performing photometry using
a series of circular apertures. Following Bond et al. (2009), we used these data
to calculate each galaxy’s half-light radius (R50 ) in a manner that is more robust
than simple isophotal measurements. The distribution of physical sizes is shown in
Figure 3.14. The [O II] emitters from this survey are fairly small, with a median
0.87
size of R50 = 2.434.20
1.39 kpc (0.510.27 arcseconds), where the upper and lower bounds
are the 84th and 16th percentiles of the distribution, respectively. There are two
obvious outliers: a galaxy at a redshift of z = 0.41 with an angular size of R50 = 4.3
76

1.0
40

30
0.6

20
0.4

10

Cumulative Probability

Number of [O II] Emitters

0.8

0.2

0

0.0
0

5

10
15
Physical size (kpc)

20

Figure 3.14: Physical half-light radii (R50 ) of the HPS [O II] emitters. The black
line is the cumulative probability distribution. The median size is R50 = 2.434.20
1.39
th
and 16th
kpc (0.510.87
0.27 arcseconds), where the upper and lower bounds are the 84
percentiles of the distribution, respectively.
arcseconds, and another at z = 0.09 with R50 = 3.8 arcseconds. These data have
been excluded from our size analysis. Note that while the rest-frame bandpass of
the I filter changes with redshift, the range of redshifts considered here is fairly
small and is unlikely to factor into the half-light radius results.
Figure 3.15 shows the sizes of these objects (in both kiloparsecs and arcseconds)
as a function of redshift. There is no significant evolution in the physical sizes of
these galaxies in this redshift range, as demonstrated by the scatter in the upper
panel of Figure 3.15. The fact that very few large galaxies are seen at lower
redshifts is simply a volume effect, as the probability of seeing these rare objects
is roughly proportional to (1 + z)2 . In the lower panel of Figure 3.15, the dashed
lines show, from top to bottom, the 84th, 50th, and 16th percentiles in the given
redshift bins. These lines indicate that there is little evidence of evolution in the
galaxy sizes in this sample. The median physical size varies from R50 = 2.04 ± 0.29
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Figure 3.15: Physical sizes (R50 ) of the HPS [O II] emitters as a function of redshift.
The solid black lines in the lower panel show what the angular size distribution
would be assuming that the physical sizes of the galaxies do not evolve with redshift. The upper and lower lines represent the 84th and 16th percentiles of the size
distribution at the highest sample redshift, corresponding to R50 =0.27 arcseconds
and 0.87 arcseconds (5.8 and 1.8 kpc at z ∼ 0.57), respectively. The black dashdotted lines are, from top to bottom, the 84th, 50th, and 16th percentiles in the
given redshift bins. The median error on the physical sizes, adapted from Lotz
et al. (2006), are ∼ 0.1 kpc, falling almost within the size of the plot symbols.
kpc for redshifts z < 0.2 to R50 = 2.61 ± 0.56 kpc in the redshift bin 0.5 < z < 0.6.
The two numbers are therefore well within the uncertainties of the measurements.
Pirzkal et al. (2006) examined low-mass emission-line galaxies in the Hubble
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Ultra Deep Field and found similar scatter in the evolution of sizes with redshift,
noting that over the redshift range corresponding to that of HPS, the angular sizes
of the eGRAPES increased by a factor of ∼ 2, from ∼ 0.2 arcseconds (1.33 kpc) at
z ∼ 0.7 to ∼ 0.5 arcseconds (1.65 kpc) at z ∼ 2 in the 4350 Å rest frame. While
we measure the HPS [O II] galaxy sizes using the I-band images (corresponding
to ∼ R-band rest frame), both data sets are redward of the 4000 Å break, so there
should not be a significant difference between the two bands. Additionally, van der
Wel et al. (2014) examined the sizes of galaxies in the CANDELS/3D-HST fields
using the HST WFC3 IR bands of F125W, F140W, and F160W, just slightly
redder than the I-band. For the median mass of the HPS sample (M = 9.20M ),
they measure a median physical size of R50 = 3.09±0.07 kpc for z > 0.5 and R50 =
2.69±0.07 kpc for 0.5 < z < 1, suggesting slow to moderate size evolution between
these epochs. These measurements, combined with our results, are consistent with
previous studies of disk-dominated late-type galaxies that indicate that there is
little, if any, size evolution at redshifts z < 1 (Lilly et al. 1998; Ravindranath et al.
2004; Barden et al. 2005).
The size-mass distribution of the HPS [O II] emitters is show in Figure 3.16.
As has been shown in previous studies (e.g. Shen et al. 2003; van der Wel et al.
2014), there is an obvious correlation between the mass of galaxies and their size.
The slope of the relation, α = log R50 / log M∗ = 0.15 ± 0.03, is comparable to the
α = 0.22 ± 0.03 measurement for late-type galaxies in the CANDELS/3D-HST
field (van der Wel et al. 2014), and midway between the values of α = 0.14 and
0.39 found for low- (M∗ < 3.98 × 1010 M ) and higher-mass late-type galaxies in
SDSS (Shen et al. 2003). Shen et al. (2003) showed that flatter slopes associated
with the lower-mass galaxies are consistent with models in which feedback driven
by galactic winds overcome the potential of the dark matter halos and suppress
gas mass. Assuming that the specific angular momentum of a galaxy is similar to
that of its halo, less-massive late-type galaxies must have larger half-light radii,
resulting in a flatter size-mass relation.

3.8 Conclusions
We presented an analysis of the physical properties of [O II] emitting galaxies
within the HETDEX pilot survey with z < 0.57. The data quality of this sample
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Figure 3.16: Physical sizes (R50 ) of the HPS [O II] emitters as a function of mass
(M∗ ). The slope of the size-mass relation is α = 0.15. The median error on the
physical sizes, adapted from Lotz et al. (2006), are ∼ 0.1 kpc, falling almost within
the size of the plot symbols.
of galaxies allowed us to achieve a substantial improvement in the study of properties of star-forming galaxies in this redshift range. Stellar masses for these galaxies
were determined by SED fitting. The observed SFR vs. M∗ relation confirms the
existence of the main sequence of galaxies, where SFRs decrease at lower masses
and redshifts. The sSFRs increase for lower stellar mass galaxies, supporting the
idea that the galaxies that are more efficiently forming stars in this redshift range
are of lower masses, while the larger galaxies are ending their star formation. Examination of the morphologies of these galaxies gives no indication that the [O II]
emitters are undergoing mergers, and there is no correlation between morphology
parameters (G and M20 ) and mass, SFR, or sSFR.
The HETDEX pilot survey has provided a test data set for the type of data
produced in the main survey. HETDEX will provide upwards of 106 [O II] spectra,
a data set that will serve to further refine the results presented here.
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Chapter 4 —
Disentangling AGN and Star Formation Activity at High Redshift
Using Hubble Space Telescope Grism
Spectroscopy
The study of high-redshift galaxies has been hampered by the fact that their
strongest emission lines, such as Hα, Hβ, [O II] λ3727, and [O III] λ5007, are shifted
out of the optical bands and into the near-infrared, where atmospheric opacity, high
background, and telluric emission compromise ground-based observations. The
infrared grisms of the Hubble Space Telescope (HST ) give unique access to this
wavelength regime. Because the HST grisms are slitless, they offer unprecedented
multiplexing (& 50 galaxies per arcmin2 ) for the study of high-redshift emissionline science. In particular, the near-IR 3D-HST (GO-12177, 12328; PI: P. van
Dokkum) and AGHAST (GO-11600; PI: B. Weiner) grism surveys, with the G141
grism on Wide Field Camera 3 (WFC3; Kimble et al. 2008) on the HST, have
provided a sample of over 7000 galaxies between 1 < z < 3.5 (Brammer et al.
2012).
Unfortunately, our ability to interpret the rest-frame optical emission lines
is compromised by the fact that our knowledge of emission lines in the nearby
universe does not always translate to high-redshift. At z > 1, typical galaxies have
more star formation (Madau & Dickinson 2014), harder ionizing radiation (Kewley
et al. 2015), and smaller physical sizes (van der Wel et al. 2014) than their local
counterparts. As a result, diagnostic diagrams, such as that developed by Baldwin
et al. (1981), can change with redshift (e.g., Kewley et al. 2013b; Steidel et al.
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2014), complicating the study of high-redshift star-forming systems. For example,
distinguishing active galactic nuclei (AGN) from normal star-forming galaxies can
become problematic, especially when dealing with a low-mass or obscured object.
As the Eddington ratio (λEdd = Lbol /LEdd ) declines, radio and IR methods become
less efficient at AGN selection because they are increasingly confused with emission
from star formation at the high star formation rates typical of z > 1 galaxies
(Donley et al. 2012; Kimball et al. 2011). X-ray selection, typically the most reliable
way to identify unobscured AGNs, is biased against AGNs in low-mass galaxies
(Xue et al. 2010; Aird et al. 2012), and a large fraction (& 50%) of AGN activity
may be obscured in X-rays (e.g., Buchner et al. 2015). Emission-line ratios offer
promise for finding X-ray-obscured AGN, but even this signature can be diluted
by emission associated with star formation, especially in low-mass galaxies (Moran
et al. 2002; Trump et al. 2015).
At low redshifts, AGN have harder ionizing radiation than typical H II regions,
resulting in higher ratios of [O III]/Hβ and [N II]/Hα in the classic BPT diagram.
At z ∼ 2, however, studies (e.g., Kewley et al. 2013b; Juneau et al. 2014) are
finding that star-forming galaxies can have a large range in excitation (as defined by
[O III]/Hβ and [N II]/H α) that may mimic AGN. There are a number of possible
reasons for this result including harder ionization fields (e.g., Steidel et al. 2014),
denser interstellar media and higher ionization parameters (e.g., Brinchmann et al.
2008; Kewley et al. 2013a; Shirazi et al. 2014), and/or shifts in the abundance ratio
of nitrogen to oxygen (e.g., Masters et al. 2014). In addition, investigation of small
samples of spatially resolved galaxies have posited that there is contamination by
obscured or low-mass AGN in regular star-forming galaxies, resulting in a shift
in the observed line ratios (Wright et al. 2010; Trump et al. 2011). Given these
variations, it would be useful to understand how 2D grism spectroscopy can be used
to probe the parameter space of properties that affect emission line diagnostics.
Spatially resolved spectroscopy has shown great utility in understanding the
Hα star formation rate profiles (Nelson et al. 2012, 2013, 2015; Wuyts et al. 2013),
kinematic profiles (Förster Schreiber et al. 2009; Wisnioski et al. 2015), and dust
extinction profiles (Nelson et al. 2016) of high-redshift galaxies. But large studies
of emission-line ratios in high-redshift galaxies have been limited to integrated
line ratios (e.g., MOSDEF; Kriek et al. 2015; Coil et al. 2015). The HST/WFC3
grism, however, increases the number of spatially resolved high-redshift galaxies
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by an order of magnitude. Our investigation seeks to complement this groundbased effort with a large sample of spatially resolved emission lines that offers a
unique handle on AGN identification using the different spatial extent of AGN and
galaxies.
In this work, we use simulations to investigate the use of spatially distinguished
emission-line ratios for AGN selection, quantifying the technique’s sensitivity as a
function of AGN accretion rate and galaxy properties. In §2, we present our simulated galaxies and the simulated grism observations. We discuss the limitations of
traditional AGN identification methods in §3 and in §4, we discuss how we improve
upon these methods by collapsing the 2D grism spectra to derive emission line information about each simulated galaxy. We apply this method to data in §5 and
we discuss the implications of these results for grism surveys of the high-redshift
universe in §6. We conclude with §7 and examine how these data can be used to
refine future galaxy studies.
In this work, we adopt the standard ΛCDM cosmology, with H0 = 70 km s−1
Mpc−1 , ΩM = 0.3, and ΩΛ = 0.7 (Komatsu et al. 2011b).

4.1 Galaxy and AGN Simulations
Our goal is to measure the utility of spatially determined emission-line ratios
of z > 1 galaxies for AGN identification and characterization. The key issue is
one of contrast: The relative brightness of AGN light with respect to the extended
galaxy emission associated with star formation or shocks varies by many orders of
magnitude. To address this issue, we created detailed simulations of HST /WFC3
grism observations by modeling a point-source AGN with an extended star-forming
host galaxy. The simulations include a range of AGN accretion rates and galaxy
properties. Building on the classic integrated line-ratio diagnostics, we measure
the [O III]/Hβ gradient in the galaxy from the combination of the central AGN
and extended galaxy emission. The [O III]/Hβ gradient is defined as
log([O III]/Hβ)inner − log([O III]/Hβ)outer

(4.1)

We examine the values of this [O III]/Hβ gradient over a wide range of simulated
galaxy and AGN parameters, seeking to understand how the measured gradient
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corresponds to galaxy and AGN properties.

4.1.1 Simulations
We focus our attention on mimicking real observations of the well-observed
CANDELS fields (Cosmic Assembly Deep Near-IR Extragalactic Legacy Survey;
Grogin et al. 2011; Koekemoer et al. 2011). The 3DHST (Brammer et al. 2012) and
AGHAST (Weiner & AGHAST Team 2014) programs covered the five CANDELS
fields using two orbits of G141 grism. However, the rather short total exposure
time (∼ 90 minutes) is not sufficient for the study of moderate-luminosity galaxies; this is particularly true for the low-mass, low-Eddington ratio parameter space
we intend to explore. We therefore stacked twenty systems grouped by physical
properties for an effective exposure time of 40 orbits, or roughly 30 hours. Stacked
galaxy spectra also allow us to assume average galaxy properties, avoiding the
broad diversity of individual galaxy morphologies. Almost all previous observational efforts to spatially examine WFC3 grism spectra have used stacked spectra
(e.g., Trump et al. 2011, 2014; Nelson et al. 2012, 2013, 2015, 2016; Whitaker
et al. 2013; Wuyts et al. 2013, the only non-stacked exceptions use highly lensed
galaxies).
For the simulated observations, we use the G141 slitless grism, with a spectral
range of 1.08 < λ < 1.68 µm and a resolving power of R = 130. The inherent
spatial pixel scale of the grism is 0.12”, which we then drizzled to a finer scale of
0.064”. For the main set of simulations, the redshift is set at a constant z = 1.8,
which places the [O III] and Hβ emission lines approximately at the center of
the G141 grism. We also simulate z = 1.4 and z = 2.2 to demonstrate that
our simulations remain appropriate for interpreting observations at the edges of
the G141 wavelength range. Therefore, our results are broadly applicable to the
broader 1.3 < z < 2.4 redshift range over which the Hβ and [O III] lines are
observed in the G141 grism. Finally, we explore the effects of different galaxy
morphologies by simulating changes is ellipticity and light profile in galaxies. While
ellipticity and diverse morphologies are likely to be averaged out in the stacking of
real galaxy images, testing the effects of other profiles is important to ensure the
robustness of the method.
The spatially resolved line ratios in our simulated galaxies are produced by a
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Figure 4.1: Top row : An AGN modeled as a PSF (left), a simulated grism observation of the AGN with an [O III] and Hβ emission (center), and the collapsed
continuum-subtracted 2D spectrum (right). By adding (fractional) pixels along annuli of constant radius, we preserve the spatial information of the galaxy. Second
row : Same as the first row, but with a star formation modeled as an exponential
disk, and an input spectrum of [O III] and Hβ typical of a star-forming galaxy.
Third row : Same as the first row but with the AGN and the exponential disk
combined.
combination of extended star formation and AGN: While the Hβ equivalent width
and [O III]/Hβ ratio produced by star formation is a function of the galaxy’s
stellar mass and specific star formation rate (sSFR), the [O III] equivalent width
of the AGN is determined by its bolometric luminosity (Heckman et al. 2004;
LaMassa et al. 2009; Pennell et al. 2017). Thus, to model our z = 1.8 galaxies,
we need to consider two components: a (face-on) galactic disk, which we model
with an exponential profile using IRAFs mkobject algorithm, and a point-source
AGN, which is simulated via the instrumental point spread function (PSF). An
illustration of these components is shown in the first column of Figure 4.1. Our
simulations then consist of a grid of direct and dispersed images with stellar mass,
sSFR, and the AGN bolometric luminosity (parameterized as the Eddington ratio)
as the input model parameters.
Using the EzGal Python program (Mancone & Gonzalez 2012), we convert
the input stellar mass to the galaxy spectral continuum in the observed G141
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wavelength range. In this process, we employed the stellar population synthesis
models of Bruzual & Charlot (2003) using solar metallicity and a Chabrier (2003)
initial mass function (IMF). By projecting a spectral energy distribution (SED)
through a filter response curve at a given redshift, EzGal calculates the absolute
AB magnitude of a galaxy for a particular stellar population synthesis (SPS) model
(Mancone & Gonzalez 2012).
We also took into account physical sizes of the galaxies. Variation arises from
the spread in the size-mass relation given by van der Wel et al. (2014),
Reff = A · mα∗

(4.2)

where for z = 1.8, log A = 0.6 ± 0.01, α = 0.23 ± 0.01, and the width of the
distribution is σlog(Reff ) = 0.1 ± 0.01 (Equation 3, Table 1; van der Wel et al.
2014). Here, Reff is the effective, or half-light, radius of the galaxy, in kpc, and m∗
is the stellar mass. We assign each galaxy a size using Equation 1, drawing from
a normal distribution with a 0.18 dex standard deviation.
The galactic [O III]/Hβ ratio is complicated as it is a function of nebular
density, ionization parameter, ionizing spectrum, and metallicity (Z). We use
the input stellar mass and sSFR to calculate an [O III]/Hβ ratio via the massSFR-Z relation of Mannucci et al. (2010) and the strong line ratio relations of
Maiolino et al. (2008). The values cover the range 0 < log([O III]/Hβ) < 0.7 over
the mass and sSFR parameter space of the simulations. We then converted our
star formation rates to Balmer line flux using the relation of Kennicutt (1998)
and combined these measurements with EzGals continuum magnitude to estimate
equivalent width. We note that both the Mannucci et al. (2010) and Maiolino et al.
(2008) relations are derived from SDSS galaxies, and studies have shown that as
the redshift increases, line ratio values may also increase (e.g., Shapley et al. 2005;
Erb et al. 2006; Kriek et al. 2007; Kewley et al. 2013a). Our simulations do not
include this effect.
To characterize the AGN, we need to determine the [O III] luminosity from
the AGN from the Eddington ratio parameterization of the AGN bolometric luminosity. By assuming MBH /M∗ ∼ 0.001 (Häring & Rix 2004), we obtain a black
hole mass (MBH ) given the stellar mass of the galaxy. Combining MBH with the
Eddington ratio, we have the bolometric luminosity of the AGN. We then mod-

86

eled the AGN emission with log([O III]/Hβ) = 1.0, noting that the ratio does not
change with metallicity as it is virtually saturated (Kewley et al. 2013a). This
AGN ratio value is at the high end of typical AGN [O III]/Hβ ratios and in reality
may be lower and vary as a function of ionization parameter (Richardson et al.
2014). To determine the AGN [O III] luminosity, we adopt the method prescribed
by Trump et al. (2015), which uses a power-law fit to the Lamastra et al. (2009)
luminosity-dependent bolometric corrections of
Lbol
= 112
40
10 erg s−1



L[OIII]
1040 erg s−1

1.2
(4.3)

(Equation 9; Trump et al. 2015). In this way, we convert from a given combination
of bolometric luminosity and stellar mass to an AGN [O III] luminosity.
Once we fully described each galaxy and AGN combination, each grid point
of galaxy properties was “observed” 100 times using the aXeSim4 software package. These 100 individual simulations were placed evenly over the entire detector,
thereby averaging over any field dependencies that might arise due to object placement in the detector. The results of an observation are shown in the second column
of Figure 4.1. Each of the 100 simulated galaxies had a radius drawn from the size
distribution for the given stellar mass being simulated, so as to encompass possible variations in the observed 2D spectrum. Using the grid points indicated in
Table 4.1, our final galaxy dataset consisted of 46,200 simulations.

4.1.2 Discussion of Simulations
In these simulations, we have not included the effects of extinction. Extinction
will decrease the line equivalent widths, since lines and stellar continuum have different extinction (Calzetti et al. 2000). Additionally, the size of the AGN narrow
line region varies with the AGN [O III] luminosity (Bennert et al. 2002; Hainline
et al. 2014). Therefore, not including extinction effects is a simplifying assumption.
However, Young et al. (2014) resolve star-forming regions in AGN host galaxies
and find them to be preferentially extinguished compared to the narrow line region of the AGN. This would have the effect for increasing the contrast between
the star forming regions and the AGN, causing this gradient technique for AGN
4
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Table 4.1. Parameter Space of Simulated Galaxy Properties
(log(M∗ [M ])

log(sSFR [yr−1 ])

log(λEdd )

9.0
9.5
10.0
10.5
11.0
11.5
-

−9.50
−9.25
−9.00
−8.75
−8.50
−8.25
−8.00
−7.75
−7.50
−7.25
−7.00

−3.5
−3.0
−2.5
−2.0
−1.5
−1.0
−0.5
-

identification to remain effective.
It is possible that the extended line ratios associated with star formation are
not constant with radius, due to gradients in metallicity or ionization. Metallicity
gradients of both local and distant galaxies are typically negative, with higher
metallicity (and consequently lower [O III]/Hβ) in the center (e.g., Swinbank et al.
2012; Jones et al. 2013; Sánchez et al. 2014); this would actually increase the
contrast between an AGN and star formation. Shocks can potentially cause regions
of higher ionization. An inclusion of nuclear shocks would lower the AGN threshold
of [O III]/Hβ, although not significantly (Allen et al. 2008). Therefore, in our
current study, we neglect the effects of abundance gradients for both simplicity
and due to a lack of high-redshift observational constraints over a wide range of
stellar masses and star-formation rates. Current observations of [O III]/Hβ are
still limited, but Whitaker et al. (2014) found [O III]/Hβ ratios to be relatively
flat across 6 kpc at z = 1.7 for a single lensed galaxy, in support of our simplifying
assumption.
Another caveat is the use of Mannucci et al. (2010) and Maiolino et al. (2008),
in combination with SFR and stellar mass, to predict the underlying [O III]/Hβ
ratios of our model galaxies. If these relations do not hold at higher redshift, as
some studies suggest (e.g., Sanders et al. 2015; Grasshorn Gebhardt et al. 2016),
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then this would affect our measured [O III]/Hβ gradients. This systematic effect is
difficult to quantify as the evolution of [O III]/Hβ as a function of redshift, stellar
mass, and sSFR has not yet been determined, but it crucially affects the assumed
star-forming line ratios.
Finally, it should be noted that our simulations are best suited to stacked
galaxy ensembles. At the level of two HST orbits, performing this analysis on
single (unlensed) galaxies is generally not possible. Since stacked data average
over many morphological parameters, we are able to simplify this part of the
simulations. For example, the asymmetry of a galaxy image in the dispersion
direction would complicate the annular collapse method, since we collapse only
the blue side of Hβ and red side of [OIII]. Another example is that of galaxy
concentration: A higher-Sèrsic index profile would decrease the contrast between
central AGN emission and extended star formation emission. Using a disk profile
is a legitimate assumption for considering the AGN content of typical star-forming
galaxies, but galaxies above or below the star-forming “main sequence” are more
likely to have more compact morphologies (Wuyts et al. 2011). The diversity of
individual galaxy shapes and sizes that would be an issue for single-galaxy analysis
is mitigated by our focus on stacked data.

4.2 Limitations of Integrated Line Ratios
The classical method used to differentiate AGN from star formation in galaxies
is to employ integrated emission line ratios, either compared to each other (e.g.,
Baldwin et al. 1981) or to a given physical parameter, such as stellar mass (e.g.,
Juneau et al. 2011). This method depends on the AGN dominating the line fluxes
of the entire galaxy; while this may be true of massive galaxies with luminous AGN,
there is potential to overlook low-luminosity or obscured AGN. Our inability to
probe the low-mass portion of AGN parameter space has ramifications for our
understanding of the black hole occupation fraction and black hole seeds (e.g.,
Moran et al. 2014; Trump et al. 2015).
To illustrate the limitations of integrated line ratios, we extract an integrated
1D spectrum from the full 2D grism observation. We then fit three Gaussians
(Hβ, [O III]λλ4959, 5007) plus a polynomial continuum to each galaxy’s spectrum
to measure its total observed line flux. For the 100 simulations at each grid point,
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we calculate the “completeness”; that is, the percentage of simulations in which
we identify the AGN. This threshold for integrated line ratios is a function of
the stellar mass of the galaxy, taken from the Mass-Excitation (MEx) diagram of
Juneau et al. (2011).
This completeness is shown in Figure 4.2. Each hexagon is shaded by the
completeness for each grid point. As expected, using integrated line ratios works
extremely well when the Eddington ratio of the galaxy is large and the sSFR is
low, thereby allowing the AGN emission to dominate the galaxy’s emission. This
method begins to fail, however, for low-luminosity AGN, independent of the sSFR
of the galaxy. In addition, the use of integrated line luminosities for low-Eddington
ratio, high-sSFR galaxies is problematic because the emission from star formation
begins to overtake the AGN line emission.
Another way to view the MEx’s inability to identify all AGN is presented in
Figure 4.3. The integrated line ratios from the simulations are plotted as a function
of stellar mass with green circles, while the black lines represent the empirical
separation between AGN and star formation (Juneau et al. 2014). Every bin from
medium to low stellar mass has AGN that fall below this dividing line; this is
especially true at the lowest masses where the cut-off in [O III]/Hβ is high. Our
goal is to augment this parameter space by developing a method to recover more
of the AGN that failed to be identified using the MEx diagram.

4.3 AGN Selection from Spatially Resolved Line Ratios
Integrated line luminosities are essentially a blunt tool for studying emission
from galaxies. What is needed is a more nuanced method for decomposing the
emission into its individual sources. The 2D grism spectra produced by HST
provide such a tool as it allows compact nuclear emission to be at least partially
resolved from its surroundings. To do this, we divide a grism spectrum into two
regions – the nuclear region that is likely to contain emission from a black hole, and
an extended disk, whose light is dominated by emission from star formation.This
technique was first presented by Trump et al. (2011). Here, we use simulations
to test the validity of this method as well as its strengths when compared to
traditional AGN identification methods.
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Figure 4.2: Simulated parameters for the total integrated flux line ratios, shaded
by completeness using the emipirical cut of Juneau et al. (2014) (see Figure 4.3).
Integrated line ratios are successful at finding luminous AGN in massive, weakly
star-forming galaxies but are unable to identify AGN in low-mass and rapidly
star-forming hosts.
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Figure 4.3: Mass-Excitation diagram for the simulated integrated log([O III]/Hβ)
ratios shaded by sSFR. Four groups of Eddington ratios are offset in mass, from low
to high. The galaxies with low signal-to-noise detections are plotted with empty
circles. The black line is the empirical cut between AGN and star formation Juneau
et al. (2014), accounting for the luminosity limit and redshift evolution of L[O III] .
At lower stellar masses, it becomes more difficult to identify AGN as star formation
dilutes the AGN signal.

4.3.1 Measuring the Emission Lines
The slitless grism data are spatially extended in both the dispersion and crossdispersion dimensions, so it is nontrivial to extract nuclear and extended 1D spectra. The low spectral resolution (R = 130) and lack of a slit in the grism means
that extended features in the dispersion direction are due to a galaxy’s physical size
rather than its velocity extent. Rather than deconvolving in two dimensions (dispersion and cross-dispersion), we simplify the spectra by “collapsing” each emission
line along constant radii, reducing the spatial extent into the cross-dispersion direction only. In other words, the flux is collapsed annularly, adding fractional
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Emission Summed
to a Column

Emission Line

Outer Region

Inner Region

Outer Region

Figure 4.4: An illustration of how the collapsing technique works for the right-hand
side of the [O III]λ5007 line. The flux is summed along lines of constant radii, so
that each pixel in the final column of pixels is the sum of the flux the annulus
collapsed. The resulting single column can then be separated into the inner and
outer regions of the galaxy. We repeat this process for the left-hand side of the Hβ
line, from which we calculate an accurate [O III]/Hβ ratio for each region.
pixels along constant radii to a single column in the cross-dispersion direction,
weighting each pixel by the inverse variance. Errors in the collapsed pixels are
computed analytically with the total error given as the inverse sum of the weights:
σ 2 = 1/Σ(fi /σi2 ), where fi is the pixel fraction and 1/σ 2 is the weight. An illustration of this process is shown in Figure 4.4, and the results are illustrated in the
third column of Figure 4.1.
In the simulation, the emission-line centers are well-known by definition. This
will be true for most applications of observational data, as it is difficult to measure
a line ratio gradient without accurately knowing the line centers. Our definition of
the nuclear and extended apertures means that line-center errors of <1 pixel (i.e.,
typical grism-based redshifts with visible emission lines) will produce no changes
in the observed line-ratio gradient. Larger line-center errors will effectively dilute
and reduce the observed line-ratio gradient, so long as these errors are symmetric
among the galaxies being stacked.
After identifying the line centers, we measure and subtract the continuum by
fitting to it a polynomial. Then, because the [O III] doublet is blended in the grism
spectra, and because Hβ overlaps with [O III] λ4959, we assume line symmetry
and collapse only one half of each emission line. We therefore use the right-hand
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side of the [O III]λ5007 line and the left-hand side of the Hβ line to calculate
the [O III]/Hβ ratio for each galaxy. We then divide that column of pixels into
a nuclear region (inner three pixels, R . 0.6 kpc) and an extended region (outer
apertures of pixels 3-5, 1.3 < R < 2.3 kpc). Finally, we calculate the inner and
outer [O III]/Hβ ratio for each simulation. We implement a signal-to-noise cut of
√
S/N > 3/2, noting that Juneau et al. (2014) demonstrated that imposing this
cut on the line ratios (rather than on individual lines) produces a reliable census
of emission-line galaxies. This slightly reduces the number of useable galaxies
from the original 100 simulated galaxies in bins with weak emission lines (typically
low mass, low sSFR, and low Eddington ratio). This entire process allows us to
calculate a line ratio gradient for each simulated galaxy. Therefore, instead of being
limited to the total line luminosity, we have the ability to quantify the difference
in emission from nuclear and extended regions of the galaxy.

4.3.2 Determining the AGN Identification Threshold
Once we have a line ratio gradient for each galaxy stack, the next step is to
determine the threshold for AGN identification. This decision requires us to know
the completeness in terms of measured gradients when AGN are present, as well
as the reliability in terms of the measured gradients when no AGN are present in
the simulations. To address the latter concern, we re-simulated our galaxies, but
this time with only a star-forming disk and no AGN, removing the Eddington ratio
dimension of the original parameter space.
The best way to determine an appropriate gradient cutoff value is to maximize
the completeness of AGN identification within the sample while minimizing the
number of false positive identifications in the simulations with no AGN. Figure 4.5
displays the cumulative distributions of completeness and reliability, divided into
three mass and three sSFR bins. As can be seen in the various panels, the best
threshold gradient value can shift depending on the combination of stellar mass
and sSFR. While a moving threshold may be useful for certain purposes, we choose
the conservative value of ∆log([O III]/Hβ) = 0.1 for all galaxies in our sample.
Using ∆log([O III]/Hβ) = 0.1 for our simulations, the false positive rates for our
simulations are shown in Figure 4.6. Here we have displayed the number of AGN
per grid point of the parameter space of the simulations with no AGN present. The
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Figure 4.5: Cumulative distributions of AGN completeness (blue) and reliability
(green) for our simulated galaxies. The reliability is determined by how often no
AGN was found in the simulations with no AGN present. To optimize AGN identification, the false positives must be minimized while maximizing the completeness.
We use the conservative threshold value of ∆log([O III]/Hβ) = 0.1 for all galaxies
in our sample.
false positive rate is quite low across the board. This figure emphasizes the validity
of using line ratio gradients to differentiate between AGN and star formation,
showing that this technique is not prone to misidentification given our assumptions.

4.3.3 Line Ratio Gradient Results
Figure 4.7 displays the ∆log([O III]/Hβ) gradients for our simulations as a
function of input sSFR, Eddington ratio, and stellar mass grid points in our simulation matrix. The points are shaded by the median ∆log([O III]/Hβ) line ratio
gradient for the simulations at each locus of the AGN parameter space. The larger
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Figure 4.6: Specific SFR vs. stellar mass for the simulated galaxies with no AGN
present, shaded by the rate of false AGN detections using the AGN identification
threshold of ∆log([O III]/Hβ) = 0.1. The false positive rate is extremely low,
although it becomes less reliable at lower masses where the signal-to-noise is lower.
the gradient, the more apparent the AGN. From the figure, it is clear that using
line ratio gradients to differentiate between disk star formation and AGN emission
is effective in most combinations of sSFR and Eddington ratio. Discrimination
becomes more difficult at lower mass but remains more successful than traditional
methods. This is true even when the sSFR is high and the Eddington ratio is
low. In this scenario, the emission from the star formation overwhelms the nuclear
emission, causing the gradient to decrease.
Figure 4.8 flattens one dimension of Figure 4.7, showing the parameters in
the simulations, shaded by completeness (∆ log([O III]/Hβ) > 0.1) at each grid
point. The gradient technique augments the parameter space when compared
to Figure 4.2, particularly in the low sSFR, low Eddington ratio corner. This
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Figure 4.7: Gradient of log([O III]/Hβ) as a function of stellar mass, sSFR, and
Eddington ratio. The measured line-ratio gradient is highest in massive, low-sSFR
galaxies with rapidly accreting AGNs, but it is an effective means of detecting an
AGN over most of this phase space.
is demonstrated in Figure 4.9, which demontstrates the fractional gain in AGN
identification. This technique is less effective at high sSFR and and low Eddington
ratio, where the star formation emission swamps the signal from an under-luminous
AGN. Additionally, at very low masses, the S/N becomes low, but this effect can
be mitigated by further stacking. However, using the gradient method identifies an
average of ∼ 45% more galaxies with AGN than via traditional line ratio methods,
particularly at low Eddington ratio and low sSFR.
To illustrate the trends of the line ratio gradient with the various input parameters of the simulations, we have examined how the gradient changes with mass,
sSFR, and Eddington ratio. Figure 4.10 shows how the gradient shifts with sSFR,
shaded by Eddington ratio in the highest mass bin (log(M∗ ) = 11.5). At the lowest
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Figure 4.8: Simulated parameters of the line ratio gradient technique, shaded by
completeness, for a cut in the difference between the nuclear and extended [O
III]/Hβ ratio where ∆log([O III]/Hβ) > 0.1. Compared to AGN selection using
integrated line ratios (Figure 4.2), our spatially resolved line-ratio selection is able
to find many AGN in low-mass and moderately star-forming galaxies.
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Figure 4.9: The fractional gain in AGN identification when using the gradient
technique. The most gain occurs at lower mass when the AGN is low-luminosity
and the star formation is low. When used in conjunction with classical AGN
identification methods, the gradient method finds many AGN that were previously
unidentified.
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Figure 4.10: Gradient of log([O III]/Hβ) vs. sSFR for the highest stellar mass bin
in the simulation. The lines are shaded by Eddington ratio. For the lowest sSFR,
all AGN are detectable (where ∆log([O III]/Hβ) = 0.1 is the threshold shown with
the dashed black line). As the sSFR increases, the lower Eddington ratio AGN
are more difficult to detect, as the emission from disk star formation overwhelms
the AGN. Note the subtle turnover at log(sSFR) ∼ −8 yr−1 where the PSF of
the luminous AGN overwhelm weak extended star formation emission in low-sSFR
galaxies, resulting in a flat gradient (and the integrated line ratio of an AGN).
sSFRs, the gradient method identifies the AGN for all Eddington ratios. As the
sSFR increases, the lowest Eddington ratio AGN simulations become overwhelmed
by the star formation emission.
Finally, we show in Figure 4.11 how the simulation gradients change with redshift and morphology as compared to the original simulations. To test different
galaxy shapes, we performed simulations with e = 0.2 as well as using a De Vaucouleur’s n = 4 profile instead of an exponential. We also performed simulations at
z = 1.4 and z = 2.2 to test the effects of different grism dispersion at the extreme
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wavelengths covered by G141 grism. We find that while there are some slight variations in gradient among the results, all differences are statistically insignificant
(i.e., within the errors of each other.)
The utility of the gradient method is emphasized when we compare the measured gradient to the Eddington ratio of the AGN. Figure 4.12 illustrates these
trends for the highest stellar mass bin, with the lines shaded by sSFR. The conclusion is that for the and average sSFR, AGN of almost any Eddington luminosity
are identified. That is the power of using line ratio gradients instead of total integrated line luminosities—low-luminosity or obscured AGN that were previously
lost to traditional methods can now be found, enabling a much more complete
picture of the AGN census during the height of star formation in the universe.
We can apply the gradient technique to make predictions about the properties
of the central AGN. We fit a plane to the mass, sSFR, and “observed” line-ratio
gradient of the suite of simulated galaxies using the emcee Markov Chain Monte
Carlo (MCMC) linear regression algorithm (Foreman-Mackey et al. 2013). This
process produces a simple method for taking observed quantities and predicting
the AGN Eddington ratio. The fit is given by
log(λEdd ) = (−1.82 ± 0.13) − (0.099 ± 0.053)[log(M∗ ) − 9]
+ (0.067 ± 0.057)[log(sSFR) + 10] − (2.10 ± 0.21)∆log([O III]/Hβ)
(4.4)
The coefficients are all well-constrained, as shown in Figure 4.13. The intrinsic
scatter of the relation is σ = 0.30 ± 0.22. The uncertainty in line-ratio gradient is a
measurement error in the range ∼ 0.1–0.3 dex, estimated in the simulations using
aXesim for G141 spectra of two-orbit depth. The errors in mass and sSFR are
model uncertainties: In our simulations, these are the uncertainties in translating
mass and sSFR to the “observed” [O III], Hβ, and continuum flux of the galaxy
and AGN. As model uncertainties, the mass and sSFR errors are not known, but
are likely to be & 0.1 dex. These combined uncertainties in the dependent variables dominated the scatter reported by the MCMC fit, so the intrinsic scatter of
Equation 3 is not well-constrained. For simplicity, we ignore the intrinsic scatter
of Equation 3 when applying to the observations below, arguing that the uncertainties in mass, sSFR, and gradient dominate the resulting error in Eddington
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Figure 4.11: Top: Stellar mass vs. ∆log([O III]/Hβ) for various redshifts and
morphology for log(λEdd ) = −0.5 over all sSFRs. The solid black line shows the
z = 1.8 simulations, while the red and yellow line shows the z = 2.2 and z = 1.4
simulation results, respectively. The simulations of galaxies with e = 0.2 are shown
with the blue line and the green indicates the use of a DeVaucouleurs profile. The
dotted line indicates the ∆log([O III]/Hβ) = 0.1 cutoff. The simulations perform
as well as or better than the full set at z = 1. Bottom: Same as top but with
log(sSFR) = -.0 yr−1 , plotted over all Eddington ratios.

102

Figure 4.12: Eddington ratio vs. ∆log([O III]/Hβ) for the highest stellar mass
bin in the simulations. The lines are shaded by sSFR. The black dashed line is
∆log([O III]/Hβ) = 0.1. If the stellar mass and sSFR of a galaxy are known, this
relationship suggests that it is possible to determine the Eddington ratio of the
central AGN given the log([O III]/Hβ) gradient.
ratio (which is ∼ 1 dex).
We now have the ability to determine the Eddington ratio of an AGN for our
simple galaxy model by measuring only one new quantity: the line ratio gradient
of a galaxy. In the next section, we apply this to real data and show how our
results are consistent with previous results.

4.4 Applications to Data
We now apply our simulation results to real HST WFC3 G141 grism observations. In particular, we use the published line ratio gradients of Trump et al. (2011,
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Figure 4.13: MCMC fitting results for the fit of a plane to mass, sSFR, and line ratio gradient to obtain an Eddington ratio for an AGN based on galaxy observables.
The fit is well-constrained and the distributions for each parameter are relatively
Gaussian. The parameter C is a constant.
2014), translating these observations into black hole accretion rate estimates.
Trump et al. (2011) studied line ratio gradients in low-mass galaxies using
G141 grism observations in the Hubble Ultra Deep Field (HUDF), taken as part
of the supernovae follow-up in the CANDELS survey (Grogin et al. 2011; Rodney
et al. 2012). From the stacked spectrum of 28 galaxies with median M∗ = 109.1 M
and median z = 1.6, Trump et al. (2011) found a higher [O III]/Hβ ratio in the
stacked spectrum core than in its extended region. Coupled with the LX /L[O III]
ratio from stacked X-ray data, they concluded that “at least some of these lowmass, low-metallicity galaxies harbor weak active galactic nuclei.” Armed with the
results of our simulation, we can test this conclusion, quantifying the black hole
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growth in these dwarf galaxies.
We re-computed the line ratio gradients of the Trump et al. (2011) stacked
spectrum using the same collapsing method and inner/outer apertures used in our
simulations, measuring a line ratio gradient of ∆log([O III]/Hβ) = 0.312 ± 0.129.
Given the median stellar mass (log(M∗ /M ) = 9.1) and specific star formation
rate (log(sSFR [yr−1 ]) = −9.2) of the sample and our derived Equation 3, the
observed line ratio gradient implies an Eddington ratio of log(λEdd ) = −2.43±0.31.
Trump et al. (2011) posited that AGN were probably common in low-mass starforming galaxies at z ∼ 2. The calculated Eddington ratio for these stacked
spectra confirms the presence of AGN in these galaxies. Deep X-ray stacking of
4 Ms Chandra observations similarly found evidence for widespread AGN with
high Eddington ratios in low-mass dwarf galaxies (Xue et al. 2012).
We additionally apply our simulation results to the observations of Trump
et al. (2014), who measured line ratio gradients of stacked spectra of mass-matched
samples of z ∼ 2 clumpy, smooth, and intermediate-morphology galaxies. While
the smooth and intermediate galaxies showed elevated [O III]/Hβ ratios in their
centers, the clumpy galaxies did not, leading Trump et al. (2014) to conclude
that AGN are not preferentially fueled by clumpy galaxies. Here we translate the
measured line ratio gradients of the three galaxy samples into Eddington ratios.
As before, we begin by re-measuring the line ratio gradients of the Trump et al.
(2014) stacked spectra, using the annular-collapse method and the same inner and
outer apertures as the simulations. Table 4.2 presents the observed line ratio gradients, median stellar masses, and specific star formation rates for each of the
clumpy, intermediate, and smooth galaxy samples. Also shown are the implied
Eddington ratios calculated following our derived Equation 3. Our results indicate
that the clumpy galaxies have a slightly higher Eddington ratio, but are within the
errors of the smooth and intermediate galaxies from the sample, supporting the
conclusion that AGN are not preferentially fueled by clumpy galaxies. Although
individual clumpy galaxies have morphologies which differ from our simple simulations, the stacked spectra of clumpy galaxies are smooth and symmetric (see
Figure 8 of Trump et al. (2014)). Thus our idealized simulations remain effective
in interpreting the stacked observational data of clumpy galaxies.
Mullaney et al. (2012) noted that there appears to be a constant ratio of black
hole accretion to star formation rate, where ṀBH /SFR = [0.5 − 0.7] × 10−3 (−3.30
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Table 4.2. Eddington Ratios
(log(M∗ [M ]) log(sSFR [yr−1 ]) ∆log([O III]/Hβ)
HUDF
Clumpy
Intermediate
Smooth
a

9.1
9.2
9.71
9.78

−9.2
−8.49
−8.45
−8.51

0.312 ± 0.129
−0.085 ± 0.140a
0.128 ± 0.094
0.185 ± 0.230

λEdd

log(ṀBH /SFR )

−2.43 ± 0.31
−1.80 ± 0.34
−2.06 ± 0.27
−2.19 ± 0.52

−4.88 ± 0.33
−4.96 ± 0.35
−5.26 ± 0.29
−5.33 ± 0.53

A negative gradient is treated as 0.0

to −3.15 in log units) for z ∼ 2 galaxies. From this, they draw the conclusion
that there exists what they called an AGN “main sequence.” Using the Eddington
ratios calculated above, we are able to examine if these AGN support the existence
of this main sequence. Arranging the relationship of black hole accretion and star
formation rate into known quantities of sSFR and Eddington ratio, we obtain
ṀBH
λEdd 2.02 × 108
=
SFR
sSFR
ηc2

(4.5)

where we have assumed η = 0.1, MBH /M∗ = 1 × 10−3 , sSFR in units of yr−1 , and c
in cgs units. The results are given in Table 4.2. All of the galaxies fall well below
the average found by (Mullaney et al. 2012). This is due to the lower Eddington
ratios found for these stacks, indicating that they are not comprised of particularly
powerful AGN.

4.5 Discussion
Comparison of Figures 7 and 2 demonstrates that our line-ratio gradient method
is more complete and reliable than integrated line ratios. In particular, the use of
spatially determined line ratios allows for superior AGN identification in low-mass
and high-sSFR host galaxies in which the emission lines associated with star formation overwhelm the AGN in integrated line ratios. Our line-ratio gradient also
goes beyond simple binary AGN classification, enabling basic estimates of AGN
accretion rate (Equation 3). Our simulations demonstrate that these line-ratio gradients have great utility for quantitative studies of black hole growth as a function
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of galaxy properties.
This work was specifically designed for the spatially distinguished [OIII]/Hβ
ratios in stacked spectra of ∼ 20 galaxies produced by the HST/WFC3 G141 grism,
as in the 3D-HST survey (Brammer et al. 2012). However, our general method
can be applied to any spatially resolved spectroscopy. The key to using line-ratio
gradients for AGN selection is contrast between the central AGN emission lines and
the extended emission associated with star formation. Coarser spatial resolution,
as in seeing-limited integral field unit (IFU) spectroscopy surveys of z > 1 galaxies
from the ground (e.g., Förster Schreiber et al. 2009; Wisnioski et al. 2015), will offer
lower efficiency for AGN selection with line ratio gradients. Similarly, the lower
spatial resolution ( 0.2”) and lower sensitivity of the Euclid grisms will result in
slightly lower completeness for AGN identification, although the Euclid surveys
will include a much larger sky area than 3D-HST (Laureijs et al. 2014).
Meanwhile increasing the contrast between AGN and extended star formation
will provide increased sensitivity for AGN selection. For example, using [O III]/Hβ
with the HST /WFC3 G102 grism is likely to be more complete to AGN selection:
The G102 grism has the same spatial resolution as G141 but accesses [O III]/Hβ in
lower-redshift galaxies that are consequently larger and more extended compared to
a point-source AGN. The slitless grism of the Near-InfraRed Imager and Slitless
Spectrograph (NIRISS) on the James Webb Space Telescope (JWST ) will have
slightly lower spatial resolution (0.2” × 0.46”), suggesting lower AGN completeness
using a single line ratio. However JWST also offers higher spectral resolution
to reach multiple line ratios (e.g. [N II]λ6585/Hα, [Ne III]λ3869/[O II]λ3727)
and dramatically increased sensitivity for access to weak, high-ionization lines like
[Ne V] λ3426 and He IIλλ1640, 466.
We chose to focus on the [O III]/Hβ line ratio because these are some of the
strongest lines available to the HST /WFC3 grism. The [N II]/Hα and [S II]λλ6717, 6731/Hα
ratios are similarly strong and offer a slightly different perspective with their
lower-ionization forbidden lines. However, the [N II] and Hα are indistinguishably blended in the low-resolution HST grisms. Spatially resolved spectroscopy
with higher-resolution access to [NII]/Hα and [SII]/Hα offer a different perspective on AGN selection: this includes current ground-based IFU spectroscopy (e.g.,
Genzel et al. 2014) and future JWST spectroscopy. The [Ne III]/[O II] line ratio is
another intriguing alternative: Although both lines are weaker, they are detected
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in stacked G141 grism spectra that indicate that z ∼ 2 galaxies have a mysterious
over-abundance of [Ne III] (Zeimann et al. 2015). High-redshift galaxies also have
strangely high C IVλ1550 and C III]λ1909 equivalent widths (Stark et al. 2014,
2015), and with sufficient sensitivity (e.g., from JWST /NIRSpec), the spatially
resolved C IV/C III] ratio might provide a unique handle on AGN selection in the
highest-redshift (z > 5) galaxies.

4.6 Summary
We have presented a new grism-based technique for identifying low-luminosity
AGN in stacked HST/WFC3 grism spectra of z ∼ 2 galaxies by determining the
line ratio gradient between the nuclear and extended regions. To explore the
utility of this method, we simulated galaxies with various disk star formation
and nuclear activity and measured how the ratio gradient is affected by varying
these parameters. Our method allows us to detect lower luminosity or obscured
AGN that are not detectable by traditional methods that use total integrated line
luminosities (i.e., the BPT and MEx diagrams). In applying our new method to
real data, we have confirmed previous conclusions drawn about AGN and their
hosts by Trump et al. (2011, 2014) and Mullaney et al. (2012). The consistency of
our Eddington ratio estimates with previous stacking of observed spectra validates
the simple galaxy model used in our simulations.
For this paper we have used exponential disks to model the extended region
of the galaxy: this is generally appropriate for stacked spectra of star-forming
galaxies. In the future, these simulations can be modified to include parameters
such as morphology using, for example, the Sèrsic index. Additionally, while we
have separated the galaxy into the nuclear and extended regions, a finer scale could
be used to capture further nuances in how emission changes across the galaxy. This
gradient technique can also be expanded to encompass a wide range of science
applications, such as calculating the metallicity gradient across a galaxy.
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Chapter 5 —
High-Redshift Lyman-Alpha: Studying the Most Distant Galaxies
The future of Lyα science lies in pushing our samples to higher and higher
redshift in order to probe the reionization of the universe and understand the
formation of the first galaxies. Over the past decade, the number of detected
LAEs with 4 < z < 7 has grown rapidly (e.g., Overzier et al. 2006, 2008; Pirzkal
et al. 2007; Ouchi et al. 2008; Finkelstein et al. 2009; Taniguchi et al. 2009). At
even higher redshifts the number of confirmed LAEs dwindles rapidly, with on the
order of only tens of spectroscopically confirmed LAEs (e.g., Iye et al. 2006; Ouchi
et al. 2010; Vanzella et al. 2011; Ono et al. 2012; Rhoads et al. 2012; Schenker
et al. 2012; Finkelstein et al. 2013; Pentericci et al. 2014; Oesch et al. 2015; Zitrin
et al. 2015; Roberts-Borsani et al. 2016; Song et al. 2016; Stark et al. 2017).
One of the biggest difficulties in observing Lyα at high redshift is that above
z ∼ 6, the emission line shifts into the infrared. This makes observing the line from
the ground almost impossible, because around 8,000 Å, absorption lines from water
in the atmosphere begin to swamp any transmission from an astronomical source.
Above ∼ 1.5 µm, other absorptions lines from various carbon and oxygen molecules
make infrared observations from the ground even more challenging. Atmospheric
emission lines can also complicate infrared observations. Therefore, only above the
Earth’s atmosphere can Lyα be detected at high redshifts.
However, even considering observation from above the atmosphere, there are
not as many Lyα emitting galaxies as there should be given their prevalence at
lower redshift. It could be assumed that the reason for the dwindling number of
confirmed very high-redshift LAEs is simply that the galaxies are extremely faint.
Indeed, detecting a z > 6 LAE requires lengthy exposure times, even with the
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HST. However, recent surveys indicate that there is something more going on than
just selection effects. The top panel of Figure 5.1 suggests that at high redshift,
there are missing high-equivalent width Lyα emitting galaxies. That this is not
due to a selection bias is shown in the lower left panel of Figure 5.1, where the UV
magnitudes span a large range above the sensitivity limits of most surveys. The
lower right panel of Figure 5.1 demonstrates that galaxies both below and above
z = 6.8 have the same ranges of UV magnitudes, and indicate that current surveys
are sensitive to galaxies with greater Lyα equivalent widths than a Lyα flux limit
of 5 × 10−18 erg s−1 cm−2 (Treu et al. 2013; Finkelstein et al. 2013).
If the decrease of Lyα galaxies is not an issue of survey limits or selection biases,
there must be a physical reason for the lack of detections at higher redshifts. The
current understanding is that there is an evolution in galactic environments, driven
by the reionization of the neutral hydrogen around z ∼ 6. An intergalactic medium
(IGM) that is 50% neutral will completely block Lyα emission (Furlanetto et al.
2006; McQuinn et al. 2007), and by z ∼ 6.5, the IGM has been found to be more
than 50% neutral (Rhoads & Malhotra 2001; Malhotra & Rhoads 2004; Stern et al.
2005). Studies have also found that by z ∼ 8, detected Lyα emission is three times
weaker than at z ∼ 6 (Treu et al. 2013), likely caused by an increase in Lyα
photons’ scattering length through the more neutral IGM. This has a profound
effect on the observed Lyα luminosity function in the early universe (e.g., Tilvi
et al. 2010, 2014). The luminosity function has been shown to be roughly constant
from 3 < z < 6 (e.g., Kashikawa et al. 2006; Ouchi et al. 2008). Figure 5.2 shows
the luminosity function of Lyα at various redshifts, indicating that there are fewer
and fewer observed Lyα emitting galaxies above z ∼ 7. The natural conclusion
is that the universe becomes more neutral at higher redshifts, causing the Lyα
escape to be significantly decreased. Eventually, the neutral hydrogen becomes
too prevalent for any Lyα photons to escape, causing the drop out of LAEs.
Probing the era of reionization will take a statistically significant sample of
high-redshift Lyα emitting galaxies. For now, LAEs detected above z ∼ 6 remain
few, stymying the large scale understanding of when and how the IGM went from
fully neutral hydrogen to the ionized state observed at z < 6. To address this
deficit, surveys are beginning to push the current detectors to the limit of their
capabilities.
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Figure 5.1: Evolution of high-redshift Lyα emitters from high-confidence LAEs
(Iye et al. 2006; Ouchi et al. 2010; Vanzella et al. 2011; Ono et al. 2012; Rhoads
et al. 2012; Schenker et al. 2012; Finkelstein et al. 2013; Pentericci et al. 2014)
(Figure 1; Tilvi et al. 2014). Top: Rest-frame equivalent width versus redshift.
Bottom left: Rest-frame UV magnitude versus redshift, where the LAEs cover a
wide range of magnitudes, indicating the missing galaxies are not due to selection
effects. Bottom right: Rest-frame equivalent width versus UV magnitude, with
the dashed line giving an average z > 7 survey limit.

5.0.1 The CLEAR HST Grism Survey
One of the current HST programs to study very high-redshift LAEs is the CANDELS Lyman-alpha Emission at Reionization (CLEAR; PI Papovich, ID 14227),
which is looking for z > 6 LAEs in the Cosmic Assembly Near-infrared Deep Extragalactic Legacy Survey (Grogin et al. 2011) fields using the WFC3 G102 grism.
CLEAR consists of 12 fields with 12-orbit depth, and the G102 grism covers wavelengths of λ = 0.8 - 1.17 µm with R ∼ 210 and a flux limit of 1.1 × 10−17 erg s−1
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Figure 5.2: Lyα luminosity function for high redshift LAEs (Figure 6; Santos
et al. 2016). The dirth of LAEs above z ∼ 7 indicates that we may be seeing the
reionization of the universe in progress.
cm−2 . CLEAR will also subsume the Faint Infrared Galaxies Survey (FIGS; PI
Malhotra, ID 13779), which consists of a further four fields observed at a 40-orbit
depth in the CANDELS fields with the HST /WFC3 G102 grism. The CLEAR
fields are shown in Figure 5.3.
The wavelength range of the G102 grism allows us to search for Lyα emission
in the redshift range of 5.6 < z < 8.4. This survey therefore covers the range of
redshifts during which the universe transitioned from neutral to ionized hydrogen.
Figure 5.4 shows the spectrum of a known Lyα emitter from one of the deeper
FIGS/CLEAR fields (Ouchi et al. 2010). The emission line, together with the
direct image, shown in an inset as clearly visible in the Y band, confirm the identify
of the line as Lyα. Using multiwavelength catalogs and photometric redshifts,
Finkelstein et al. (2015) identified high-redshift LAE candidates in the CANDELS
GOODS fields. By selecting fields within CANDELS that have approximately
two candidate galaxies per square arcmin, there are potentially ∼ 90 high-redshift
LAEs in CLEAR, allowing us to constrain the Lyα luminosity function very well
at 6 < z < 8.
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Figure 5.3: The twelve CLEAR pointings (black squares) plus the four FIGS pointings (green squares) within the GOODS-N and GOODS-S fields. Potential galaxies
at 6 < z < 7 are shown with blue circles and 7 < z < 8.5 candidates are shown
with red diamonds. These candidates were selected using photometric redshifts of
Finkelstein et al. (2015). Both sets of candidates are within an H-band magnitude
limit of H = 27.5. The dashed line rectangles show the footprints of the largest
WFC3 imaging done in these fields with CANDELS (Papovich, priv. comm.).

Figure 5.4: A z = 6.5 Lyα G102 spectrum from within the FIGS data with a > 4σ
Lyα detection (thick black line). The galaxy’s magnitude is AB∼ 27.3. The insets
show the galaxy in the I-, Y - and H-bands (Papovich, priv. comm., adapted from
Ouchi et al. 2010, Figure 3).
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Table 5.1. Parameter Space of Simulated Galaxy Properties
J-band Magnitude

EWrest ( Å)

z

24
25
26
27
-

20
50
100
150
200

6.0
6.5
7.0
7.6

5.0.2 Completeness Limits of the Survey
An important aspect of any survey is understanding the limits or survey biases.
The same is true for CLEAR, as we must thoroughly understand any discrepancies
between how many galaxies exist and how many we are actually able to observe.
To address this issue, we have explored the completeness limits of the CLEAR
data by simulating G102 grism observations. The simulated observations tells us
the limits of what we are able to detect in terms of galaxy properties.
We begin by creating a grid of galaxy magnitude, redshift, and equivalent width,
as shown in Table 5.1. These values reflect the range of galaxy parameters that
the CLEAR survey may find. Using the aXeSim1 software, we simulate 100 G102
grism observations at each grid point. As described in Chapter 4, we chose each
galaxy size randomly from a normal distribution. We are unable to use the van
der Wel et al. (2014) distribution as they were only able to trace the size evolution
of galaxies since z ∼ 3, rather we utilize a size-mass relation appropriate for high
redshift galaxies (Allen et al. 2017). Note that we did run the simulations with
the lower redshift size distribution, and it made little difference in the results.
For each simulation, we then reduce the simulated 2D spectra as we would
the actual observations, summing along the spatial direction to obtain the 1D
spectrum for each galaxy. The line flux is then determined by fitting a Gaussian
to the line and a polynomial to the continuum. Implementing a signal-to-noise cut
of S/N = 5, we compute the fraction of Lyα emitting galaxies that we are able to
detect. The results are shown in Figure 5.5 for the three input parameters of the
1

http://axe.stsci.edu/axesim/
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Figure 5.5: Simulation parameters for the G102 grism simulations, shaded by
completeness. Top: J-band continuum magnitude versus Lyα restframe equivalent
width. Middle: Redshift versus Lyα restframe equivalent width. Bottom: J-band
continuum magnitude versus redshift.
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Figure 5.6: Transmission curve for the WFC3 G102 grism (Dressel 2017). The
1st-order curve (solid black line) is the over all transmission for the grism spectra,
and other curves denote other grism orders not used for science. Note that the
transmission increases from blue to red by more than 30%.
simulations. The plots are shaded by completeness, calculated as the number of
galaxies we are able to detect over the total number of galaxies simulated.
As illustrated in the both top and bottom panel of the figure, it is easier to
detect Lyα galaxies with brighter continuum J-band magnitudes. As would be
expected, we are also able to better detect Lyα with higher restframe equivalent
widths. Perhaps surprisingly, it is slightly more difficult to detect these galaxies
at the lower end of the redshift range simulated. This is a direct result of the
transmission curve of the G102 grism, shown in Figure 5.6 (Dressel 2017). The
throughput of the grism is ∼ 10% at 0.8 µm but increases to over 40% towards the
red at 1.1 µm. Overall, we find an average low completeness limit of 40% for the
lowest equivalent width and magnitude grid point. This completeness increases to
as much as 100% for the brightest galaxies with the highest equivalent widths.
Performing these completeness simulations is an important step in preparing
for the CLEAR galaxy observations. Now that we understand how well we can
detect the galaxies in the survey, we can more robustly determine the evolution of
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the Lyα luminosity function as our data take us into the neutral universe.

5.1 Summary
The future is bright for studying the universe in its infancy. The CLEAR survey
will soon provide dozens of high-redshift Lyα emitters with which to track the Lyα
luminosity function at z > 6. With our simulations studying the completeness of
the survey, we can be certain that we are tracing the correct evolution of the
luminosity function, informing our understanding of the reionization timescale of
neutral hydrogen in the universe. Missions such as JWST, WFIRST, and Euclid
will continue this tradition of robust science, pushing past our current frontiers of
high-redshift galaxy studies.
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Chapter 6 —
Conclusions and Future Prospects
This dissertation is a survey of how emission lines can be used to detail galaxy
properties across a broad range of redshifts. From nearby galaxies, in which we
can probe spatial scales down to just ∼ 40 parsecs with HST, to the most distant
and youngest galaxies that current technology will allow us to observe, the role
that emission line techniques play evolves with redshift.
In Chapter 2, I examined the dust geometry and Lyα scattering in the galaxies
of the Lyman Alpha Reference Sample (LARS), a set of 14 nearby (0.02 < z < 0.2)
Lyα emitting and starbursting systems with HST Lyα, Hα, and Hβ imaging
(Bridge et al. submitted to ApJ). I found that the global dust properties determined by line ratios are consistent with other studies, with some galaxies exhibiting
clumpy dust media while others showing significantly lower Lyα emission compared to their Balmer decrement. With the LARS imaging, I presented Lyα/Hα
and Hα/Hβ maps with spatial resolution as low as ∼ 40 pc, and use these data to
show that in most galaxies, the dust geometry is best modeled by three distinct
regions: a central region where dust acts as a screen, an annular region where
dust is distributed in clumps, and an outer region where Lyα photons only scatter.
I showed that the dust that affects the escape of Lyα is more restricted to the
galaxies’ central regions, while the larger Lyα halos are generated by scattering
at large radii. I presented an empirical modeling technique to quantify how much
Lyα scatters in the halo, and found that this “characteristic” scattering distance
correlates with the measured size of the Lyα halo. I noted that there exists a slight
anti-correlation between the scattering of Lyα and global dust properties.
I used the Hobby Eberly Dark Energy Experiment pilot survey to identify 284
[O II]λ3727 emitting galaxies in a 169 arcmin2 field of sky in the redshift range 0 <
z < 0.57 in Chapter 3 (Bridge et al. 2015). This line flux limited sample provides
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a bridge between studies in the local universe and higher-redshift [O II] surveys.
I presented an analysis of the star formation rates of these galaxies as a function
of stellar mass as determined via spectral energy distribution fitting. The [O II]
emitters fall on the “main sequence of star-forming galaxies with SFR decreasing
at lower masses and redshifts. However, the slope of this relation is flatter than
that found for most other samples, a result of the metallicity dependence of the
[O II] star formation rate indicator. The mass-specific SFR is higher for lower
mass objects, supporting the idea that massive galaxies formed more quickly and
efficiently than their lower mass counterparts. This is confirmed by the fact that
the equivalent widths of the [O II] emission lines trend smaller with larger stellar
mass. Examination of the morphologies of the [O II] emitters reveals that their
star formation is not a result of mergers, and the half-light radii of the galaxies do
not indicate evolution of physical sizes.
At higher redshifts, I developed a new method for spatially resolving emission
lines using the HST WFC3/G141 grism spectra and quantifying AGN activity
through the spatial gradient of the [O III]/Hβ line ratio (Bridge et al. 2016). Differentiating between active galactic nucleus (AGN) activity and star formation in
z ∼ 2 galaxies is difficult because traditional methods, such as line-ratio diagnostics, change with redshift, while multi-wavelength methods (X-ray, radio, IR) are
sensitive to only the brightest AGNs. Chapter 4 describes simulations through
which I showed that this novel line-ratio gradient approach identifies ∼ 40% more
low-mass and obscured AGNs than obtained by classical methods. Based on the
simulations, I developed a relationship that maps the stellar mass, star formation
rate, and measured [O III]/Hβ gradient to the AGN Eddington ratio. I applied this
technique to previously studied stacked samples of galaxies at z ∼ 2 and find that
the results are consistent with these studies. This gradient method will also be
able to inform other areas of galaxy evolution science, such as inside-out quenching
and metallicity gradients, and will be widely applicable to future spatially resolved
JWST data.
Finally, Chapter 5 details how current technology can probe Lyα emitting
galaxies up to some of the highest redshifts currently possible (6 < z < 8). Using
the HST WFC3/G102 grism, the CLEAR survey will find as many as 90 highredshift LAEs, which will provide a robust sample of galaxies with which to study
the Lyα luminosity function in the early universe. To correctly determine the
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how complete the sample will be, I created grism spectra simulations of various
stellar masses, equivalent widths, and redshifts to determine the recovery fraction
of LAEs at high redshift with the G102 grism. I found that, depending on the
galaxy properties, the survey will be anywhere from ∼ 40 − 100% complete. We
can use this information to correct the luminosity function that will be determined
by the survey.

6.1 The Future of High-Redshift Galaxy Surveys
We are reaching the end of redshifts we can explore with current technology,
as the Lyα line shifts well into the mid-IR where the signal becomes swamped
by thermal noise of the detectors. Additionally, wider field space telescopes are
needed to explore initial galaxy formation on larger scales. There are, however,
several new missions on the horizon that will allow follow the evolution of Lyα
even further. These include NASA’s James Webb Space Telescope (JWST ) and
Wide Field Infrared Survey Telescope (WFIRST ), as well as the European Space
Agency’s Euclid.

6.1.1 The James Webb Space Telescope
JWST (Gardner et al. 2006) is currently slated to launch in 2018; it has a 6.5meter class mirror and a sunshield for passive cooling from the Sun and Earth. It
will orbit the stable L2 Lagrange point, about 1.5 million kilometers past the Earth
from the Sun. The JWST will carry several instruments capable of exploring the
high-redshift universe, including the Mid-InfraRed Instrument (MIRI), the Near
InfraRed Camera (NIRCam), the Near InfraRed Imager and Slitless Spectrograph
(NIRISS), and the Near InfraRed Spectrograph (NIRSpec).
Most useful for spectroscopic studies of galaxies in the early universe on MIRI
will be the low resolution observing mode with R ∼ 100 at 7.5 µm (Kendrew
et al. 2015), and the medium resolution mode that includes four integral field unit
spectrographs with R ∼ 1550 − 3250 across the wavelength range 5 < λ < 28 µm
(Wells et al. 2015). MIRI will allow us to study the mass assembly of galaxies
at z ∼ 2, making use of the infrared star formation rate indicator that has been
found to be very reliable assuming calibration of the infrared SED (Rujopakarn
et al. 2013). Additionally, the spectral range of MIRI will enable the study of
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galaxies at first light (z ∼ 10; M ∼ 109 M ), examining their star formation
histories and metallicities (Rieke et al. 2015).
NIRCam is the primary imager on JWST, with a wavelength range of 0.6λ5
µm. In addition to imaging, and perhaps more importantly for high-redshift galaxy
observations, NIRCam also has slitless spectroscopic capabilities at 2.4 − 5 µm and
R ∼ 1500 (Greene et al. 2016). This will allow for wide-field surveys to identify
emission lines such as Lyα, Hα, and [O III]λ5007 to higher redshift than that we
are currently capable.
With four observing modes, three of which are useful for galaxy studies, NIRSpec (0.6 < λ < 5.3 µm) will be one of the most revolutionary instruments on
JWST. These three modes include fixed-slit (FS) spectroscopy, multi-object spectroscopy, and 3D spectroscopy with IFUs. Various combinations of dispersers and
filters from the Grating Wheel Array and Filter Wheel Array can be used for all
three modes, with 100 < R < 2700. The FS mode is composed of five slits with
widths of 0.2”, 0.2”, 0.4”, 1.6” and 0.2”. Multi-object spectroscopy (MOS) is made
possible by the unique Micro Shutter Array, which is composed of ∼ 25, 000 individual slitlets (Giardino et al. 2016). Finally, using the IFU can be used to slice
the 30 × 30 field of view into 30 individual slices to create cube of spectroscopic data
(Closs et al. 2008). All three of these modes will augment our current abilities to
observe galaxies at high redshift by extending the wavelength range we can reach
or increasing our infrared spatial resolution capabilities.
The final instrument that will fly on JWST is NIRISS. This instrument is a
wide field sliltless spectrograph that will cover the wavelength range of 0.8 − 2.25
µm with a resolution of R = 150. NIRISS will be particularly effective at Lyα
emission and Lyman-break galaxies at 6 < z < 17 (Dixon et al. 2013).

6.1.2 The Wide Field Infrared Telescope and Euclid
Farther in the future, advancements in technology and design will enable us
to continue pushing the boundaries of studying the universe as the first galaxies
formed and the era of reionization. Slated for a 2020’s launch, WFIRST will
make use of existing design elements, such as a 2.4-m mirror much like the one
used in HST, thereby making the mission very cost-effective. WFIRST will carry
two instruments - a Wide Field Instrument (WFI) for surveys, and a coronagraph
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for exoplanet detection. While still in the development phase, current plans put
WFIRST in a geosynchronous orbit around Earth with a spectral range for the
WFI of 0.76 − 2.0 µm. With the survey instrument, WFIRST will be capable of
covering a field-of-view ∼ 100 times that of HST in the infrared. It will facilitate
3D large scale structure maps across 2,200 square degrees of the sky, as well as
observations like that of the Hubble deep fields but significantly larger (Spergel
et al. 2015).
The Euclid mission is a European Space Agency-supported program that will
launch in 2020 (Racca et al. 2016). It is a 1.2-m optical/infrared telescope that, like
JWST, will be placed in orbit around L2. Euclid ’s instrument package will consist
of the visible imager (VIS) and the Near Infrared Spectro-Photometer (NISP).
The VIS imager will have an optical wavelength range of 5500 − 9000 Å with an
extended-source detection limit of AB ∼ 24.5. NISP will perform imaging and
slitless spectroscopy in the near infrared with three broadband filters (Y , J, and
H) that cover 900 - 2000 nm. NISP will be able to explore galaxy clustering at
1 < z < 2 using the Hα emission line as well as Lyα at higher redshifts. With
these capabilities, Euclid will measure the shapes and redshifts of galaxies, giving
insight cosmic structure and the expansion history of the universe (Amendola et al.
2016).
The last one hundred years have seen the field of extragalactic astronomy burgeon from almost nothing to an array of various fields of research. The future is
bright for the study of galaxies, and the advent of new technology and facilities
will continue to push the boundaries of how we use emission lines to study the
galaxies over the course of cosmic history.
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Appendix —
Lyα and Hα Emission Maps and Scattering Models
We present here the Lyα and Hα emission maps as well as the corresponding
Lyα/Hα and Hα/Hβ ratios for the twelve LARS galaxies not presented in Chapter
2, with their apertures applied. Additionally, we show the observed Lyα versus Hα
surface brightness distributions and compare them to the empirical Lyα scattering
model results.
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Figure .1: Images of LARS02. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .2: Same as Figure 2.10, but for LARS02.
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Figure .3: Images of LARS03. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .4: Same as Figure 2.10, but for LARS03.
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Figure .5: Images of LARS04. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .6: Same as Figure 2.10, but for LARS04.
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Figure .7: Images of LARS05. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .8: Same as Figure 2.10, but for LARS05.
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Figure .9: Images of LARS06. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .10: Same as Figure 2.10, but for LARS06.
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Figure .11: Images of LARS07. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .12: Same as Figure 2.10, but for LARS07.
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Figure .13: Images of LARS08. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .14: Same as Figure 2.10, but for LARS08.
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Figure .15: Images of LARS09. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .16: Same as Figure 2.10, but for LARS09.
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Figure .17: Images of LARS10. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .18: Same as Figure 2.10, but for LARS10.
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Figure .19: Images of LARS11. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .20: Same as Figure 2.10, but for LARS11.
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Figure .21: Images of LARS13. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .22: Same as Figure 2.10, but for LARS13.
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Figure .23: Images of LARS14. The calculated aperture has been applied. Top
left: The Lyα emission map. Top right: The Hα emission map. Bottom left: The
Lyα/Hα ratio. Bottom right: The Hα/Hβ ratio.

Figure .24: Same as Figure 2.10, but for LARS14.
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Erb, D. K., Shapley, A. E., Pettini, M., Steidel, C. C., Reddy, N. A., & Adelberger,
K. L. 2006, ApJ, 644, 813

139

Finkelstein, S. L., Papovich, C., Dickinson, M., Song, M., Tilvi, V., Koekemoer,
A. M., Finkelstein, K. D., Mobasher, B., Ferguson, H. C., Giavalisco, M., Reddy,
N., Ashby, M. L. N., Dekel, A., Fazio, G. G., Fontana, A., Grogin, N. A., Huang,
J.-S., Kocevski, D., Rafelski, M., Weiner, B. J., & Willner, S. P. 2013, Nature,
502, 524
Finkelstein, S. L., Rhoads, J. E., Malhotra, S., & Grogin, N. 2009, ApJ, 691, 465
Finkelstein, S. L., Ryan, Jr., R. E., Papovich, C., Dickinson, M., Song, M.,
Somerville, R. S., Ferguson, H. C., Salmon, B., Giavalisco, M., Koekemoer,
A. M., Ashby, M. L. N., Behroozi, P., Castellano, M., Dunlop, J. S., Faber,
S. M., Fazio, G. G., Fontana, A., Grogin, N. A., Hathi, N., Jaacks, J., Kocevski,
D. D., Livermore, R., McLure, R. J., Merlin, E., Mobasher, B., Newman, J. A.,
Rafelski, M., Tilvi, V., & Willner, S. P. 2015, ApJ, 810, 71
Foreman-Mackey, D., Hogg, D. W., Lang, D., & Goodman, J. 2013, PASP, 125,
306
Förster Schreiber, N. M., Genzel, R., Bouché, N., Cresci, G., Davies, R.,
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Rivera-Thorsen, T. E., Hayes, M., Östlin, G., Duval, F., Orlitová, I., Verhamme,
A., Mas-Hesse, J. M., Schaerer, D., Cannon, J. M., Otı́-Floranes, H., Sandberg,
A., Guaita, L., Adamo, A., Atek, H., Herenz, E. C., Kunth, D., Laursen, P., &
Melinder, J. 2015, ApJ, 805, 14
151

Robaina, A. R., Bell, E. F., van der Wel, A., Somerville, R. S., Skelton, R. E.,
McIntosh, D. H., Meisenheimer, K., & Wolf, C. 2010, ApJ, 719, 844
Roberts-Borsani, G. W., Bouwens, R. J., Oesch, P. A., Labbe, I., Smit, R., Illingworth, G. D., van Dokkum, P., Holden, B., Gonzalez, V., Stefanon, M., Holwerda, B., & Wilkins, S. 2016, ApJ, 823, 143
Rodney, S. A., Riess, A. G., Dahlen, T., Strolger, L.-G., Ferguson, H. C., Hjorth,
J., Frederiksen, T. F., Weiner, B. J., Mobasher, B., Casertano, S., Jones, D. O.,
Challis, P., Faber, S. M., Filippenko, A. V., Garnavich, P., Graur, O., Grogin,
N. A., Hayden, B., Jha, S. W., Kirshner, R. P., Kocevski, D., Koekemoer, A.,
McCully, C., Patel, B., Rajan, A., & Scarlata, C. 2012, ApJ, 746, 5
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M. G., Le Fèvre, O., McCracken, H. J., Scarlata, C., Schinnerer, E., Smolcic,
V., Tribiano, S., & Trump, J. R. 2009, ApJ, 701, 915
Taylor-Mager, V. A., Conselice, C. J., Windhorst, R. A., & Jansen, R. A. 2007,
ApJ, 659, 162
Tenorio-Tagle, G., Silich, S. A., Kunth, D., Terlevich, E., & Terlevich, R. 1999,
MNRAS, 309, 332
Terlevich, E., Diaz, A. I., Terlevich, R., & Vargas, M. L. G. 1993, MNRAS, 260, 3
Tilvi, V., Papovich, C., Finkelstein, S. L., Long, J., Song, M., Dickinson, M.,
Ferguson, H. C., Koekemoer, A. M., Giavalisco, M., & Mobasher, B. 2014, ApJ,
794, 5
Tilvi, V., Rhoads, J. E., Hibon, P., Malhotra, S., Wang, J., Veilleux, S., Swaters,
R., Probst, R., Krug, H., Finkelstein, S. L., & Dickinson, M. 2010, ApJ, 721,
1853
Tremonti, C. A., Heckman, T. M., Kauffmann, G., Brinchmann, J., Charlot, S.,
White, S. D. M., Seibert, M., Peng, E. W., Schlegel, D. J., Uomoto, A., Fukugita,
M., & Brinkmann, J. 2004, ApJ, 613, 898
Treu, T., Schmidt, K. B., Trenti, M., Bradley, L. D., & Stiavelli, M. 2013, ApJL,
775, L29
154

Trump, J. R., Barro, G., Juneau, S., Weiner, B. J., Luo, B., Brammer, G. B., Bell,
E. F., Brandt, W. N., Dekel, A., Guo, Y., Hopkins, P. F., Koo, D. C., Kocevski,
D. D., McIntosh, D. H., Momcheva, I., Faber, S. M., Ferguson, H. C., Grogin,
N. A., Kartaltepe, J., Koekemoer, A. M., Lotz, J., Maseda, M., Mozena, M.,
Nandra, K., Rosario, D. J., & Zeimann, G. R. 2014, ApJ, 793, 101
Trump, J. R., Sun, M., Zeimann, G. R., Luck, C., Bridge, J. S., Grier, C. J., Hagen,
A., Juneau, S., Montero-Dorta, A., Rosario, D. J., Brandt, W. N., Ciardullo,
R., & Schneider, D. P. 2015, ApJ, 811, 26
Trump, J. R., Weiner, B. J., Scarlata, C., Kocevski, D. D., Bell, E. F., McGrath,
E. J., Koo, D. C., Faber, S. M., Laird, E. S., Mozena, M., Rangel, C., Yan,
R., Yesuf, H., Atek, H., Dickinson, M., Donley, J. L., Dunlop, J. S., Ferguson,
H. C., Finkelstein, S. L., Grogin, N. A., Hathi, N. P., Juneau, S., Kartaltepe,
J. S., Koekemoer, A. M., Nandra, K., Newman, J. A., Rodney, S. A., Straughn,
A. N., & Teplitz, H. I. 2011, ApJ, 743, 144
van der Wel, A., Franx, M., van Dokkum, P. G., Skelton, R. E., Momcheva, I. G.,
Whitaker, K. E., Brammer, G. B., Bell, E. F., Rix, H.-W., Wuyts, S., Ferguson,
H. C., Holden, B. P., Barro, G., Koekemoer, A. M., Chang, Y.-Y., McGrath,
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